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A key (and old) question
What kind of massive star (RSG, BSG, WR) produces

what kind of compact object (NS or BH? B field, rotation, disk?) 
and what kind of explosive transient (SN, GRB or else) ?

Image credit: Chandra



Legacy of supernova studies

http://supernova.lbl.gov/~dnkasen/tutorial/

Supernovae

• Explosions of stars

• Type Ia Supernovae -- white dwarfs in binary systems

• Core-collapse Supernovae -- massive stars above ~ 10 Msun
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ü 56Ni is a key rad. energy source.
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Legacy of supernova studies
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Multi-Messenger Time-Domain Astronomy

One needs a compelling scientific motivation and observational strategy



Today’s target

Newborn Black holes 
(as observed in GW 150914)

How they are formed? 
What is the associated explosive transients?
What is the observational strategy? 



MBH >> Msun: How they are formed?

ü A barely successful SN explosion 
with a fallback onto a NS 

MBH ~ 5-10 Msun (c.f., X-ray binaries)

multiple mergers? (e.g., in dense star clusters)

ü A failed SN explosion and direct collapse

MBH ~ 10-100 Msun (e.g., massive PopIII)

LIGO&VIRGO 16

The abundance could be well constrained 
by combining CMB and GWB in the O5 run.  

Inayoshi, KK+16



Q1.  When a SN shock totally fails, everything just falls?

Q2.  How they look like?

A.  Not really.

1.   A weak explosion driven by core gravitational mass loss 
of the core through neutrino emission from a protoNS.

2. A minor fraction of the outer envelope has a sufficient 
angular momentum for forming a fallback disk.

A.  Let’s see!
NOTE: they are probably not rare!

Practically no observational constrain; nu b.g.à < 70% of CCSNe
Theorists say ~ 10 % of CCSNe à ~ 1 per year within a few 10 Mpc

Progenitor id. is possible!



A weak shock driven by neutrino mass loss
19
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A fraction of outer envelope can be ejected due to a gravitational mass loss 
of the core through neutrino emission in the protoNS phase.

Nadyozhin 1980



O’Connor & Ott 2011; Ugliano et al. 2012; 
Horiuchi et al. 2014; Pejcha & Thompson 2015 

Supernova shock is stalled or not?
How much material fallback on protoNS? 

Red supergiant
(RSG)

Blue supergiant
(BSG)

Walf-Rayet star
(WR)

The key will be inner density structure within

r ⇠ 1000 km,Mr ⇠ 2-3 M�
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Fig. 2.— Same as Fig. 1, but with a lower metalicity at the
zero-age-main-sequence phase, Z = 0.01Z�.

the stellar evolution is suppressed. Even very massive
stars keep hydrogen envelope at the pre-collapse phase,
and end their lives as red (MZAMS . 80 M�) or blue
(MZAMS & 80 M�) supergiants. Again, the binding en-
ergy of the core sensitively depends on the ZAMS mass.
For example, comparing the case with MZAMS = 12 M�
and MZAMS = 100 M�, the di↵erence of the binding en-
ergy at the edge of the helium core is ⇠ two orders of
magnitude. This is essentially because of the di↵erence
of the helium core mass; the former case has ⇠ 5 M�
and the latter has ⇠ 50 M�. Since the radius is almost
the same, Rcore ⇠ 1010cm, the binding energy of the core
roughly proportional to EB,core / M2

core.
In this paper, we focus the mass eruption by the

neutrino mass loss, and consider the cases where the
supernova shock is totally failed in the inner core re-
gion. Although the conditions for successful supernova
is still uncertain, it has been considered that the com-
pactness of the inner core at the pre-collapse phase is cru-
cial (O’Connor & Ott 2011; Ugliano et al. 2012; Sukhbold
& Woosley 2014; Horiuchi et al. 2014; Pejcha & Thomp-
son 2015). Fig. 3 shows the compactness of the progeni-
tor with respect to the ZAMS mass. Here, we follow the
convention

⇠ =
M/M�

R(Mb = M)/1000 km
, (5)

and substitute M = 2.5 M�. Based on numerical simu-
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Fig. 3.— Compactness of the progenitors. The magenta and
cyan points correspond to the cases in Figs. 1 and 2, respectively.

lations, the necessary condition for successful SN explo-
sion is ⇠2.5 . 0.2 � 0.3. In the following sections, we
only consider the cases with ⇠2.5 > 0.3. Based on this
criterion, the BH progenitors in our sample can be di-
vided into three classes; red supergiants in a mass range
MZAMS ⇠ 20 � 30 M�, massive Walf-Rayet stars from
MZAMS & 50 M� and Z ⇠ Z�, and massive blue super-
giant from MZAMS & 50 M� and Z ⌧ Z�.

2.3. Hydrodynamics

We use Flash 3.2 for calculating the spherically sym-
metric one-dimensional hydrodynamic evolution by the
piecewise parabolic method. The computational domain
covers entire star by a logarithmic grid. We assume a
constant ambient matter density of 1⇥ 10�10 g cm�3.

3. RESULTS

TABLE 1

Mass eruption from collapsars

Model Kinetic energy [erg] Mass eruption [M�]
20M2e-2z 1.3⇥ 1048 ?
25M2e-2z 2.4⇥ 1047 ?
30M2e-2z 7.1⇥ 1047 4.0⇥ 10�2

35M2e-2z 6.6⇥ 1047 2.3⇥ 10�2

50M2e-2z 3.7⇥ 1047 8.7⇥ 10�3

60M2e-2z 1.5⇥ 1047 3.2⇥ 10�3

80M2e-2z 1.7⇥ 1043 —

25M2e-4z 2.5⇥ 1047 ?
60M2e-4z 1.3⇥ 1045 —

What determines the explosion energy? What deter-
mines the shock velocity? Where and how exactly the
energy injection occurs?

4. DISCUSSION

We show that collapsars can accompany various types
of mass eruption driven by the mass loss of protoneu-
tron stars via neutrino emission. Such a mass erup-
tion is crucial for the electromagnetic counterpart (Love-
grove & Woosley 2013; Piro 2013; Dexter & Kasen 2013;
Kashiyama & Quataert 2015).
One can roughly calculate the electromagnetic emis-

sion from the mass eruption as follows. Once the shock

All types of massive star can form BHs.

BH?

RSG

BSG

WR

Progenitors of failed supernovae
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Figure 12. KEPLER light curve for a transient from RSG15, TOV = 2.5. The
transient is low luminosity but lasts for around a year.

the transient is very red, of the order of 3000 K. An example
light curve can be seen in Figure 12 for RSG15, TOV = 2.5.

The transients calculated here are obviously much fainter
and less energetic than standard CCSNe, but they do bear
some similarity to a class of recently-observed transients: the
“luminous red novae,” such as V838 Mon (Munari 2002).
Luminous red novae are too bright to be ordinary classical novae,
but too faint and red to be supernovae. Although V838 Mon is
now suspected to be a stellar merger event (Tylenda 2011), these
two mechanisms have similar end results: a massive hydrogen
envelope ejected at low energies. Spectroscopic observations
show however that these phenomena have dispersion velocities
significantly higher than calculated here. The observation of
further transients may decide this question, or a search for
remnants. The shedding of a common envelope by a binary
merger would leave behind a degenerate remnant, but a failed
core-collapse explosion would leave a black hole. A survey
such as that proposed by Kochanek et al. (2008), monitoring
red supergiants for anomalous transients that might signal the
birth of a black hole, should catch these events. They would be
visible as a sudden brightening of the “star” for of the order of
a year, followed by a gradual but complete disappearance.

In RSG25, a TOV limit of 2.2 M⊙ or lower resulted in such
weak outgoing shocks that they could not be accurately fol-
lowed using KEPLER, and would probably be unable to eject
the envelope. In situations where the envelope is not ejected,
there is still the possibility of a transient at late times if the en-
velope is rotating. As it falls back into the black hole, the mas-
sive envelope may create a disk and potentially a long-duration
gamma-ray transient as described by Woosley & Heger (2011).
Since the most massive stars are the ones more likely to produce
black holes quickly, it remains possible to produce these long
gamma-ray transients. This type of transient, while invisible in
the optical, could emit low levels of gamma rays for months.

A higher TOV limit in the neutron star EOS will increase
the probability of these transients occurring. Holding the TOV
limit constant, the final strength of the shock is highest in stars
with both smaller initial iron core masses (more time spent as
a neutron star) and smaller carbon–oxygen and helium core
masses. We might therefore expect the strongest transients to
come from the lowest-mass red supergiants that fail to form
CCSNe. Nucleosynthetic constraints place a lower limit on the
maximum mass star that must explode as a supernova most of the
time. Brown & Woosley (2013) sets this limit at between 20 and

25 M⊙. Stars above 20 M⊙ become more difficult to explode,
as measured by their compactness parameter (O’Connor & Ott
2011), and hence more likely to fail. At the same time, in stars
above 25 M⊙, it will become increasingly difficult for the shock
to reach the surface. We may therefore expect the progenitors of
these transients, if they do occur, to land in the range 20–25 M⊙.

For heavier stars that lose their hydrogen envelope and die as
W-R stars, or for stripped progenitors in binaries, a shock can
form and may reach the surface, depending on the size of the
remaining helium core. Without a large envelope to eject, the
transient will be brief but brighter.

5. CONCLUSIONS

We have demonstrated that iron core collapse in a massive
star is capable of producing a faint observable transient even
if the collapse itself creates no prompt outgoing shock. The
mass lost to neutrinos results, in some cases, in unbinding the
hydrogen envelope. The amount and history of the neutrino
mass loss has a strong effect on the magnitude of the shock
produced, as does the structure of the carbon–oxygen and helium
cores of the progenitor star. In the two red supergiant models
tested, the shock reached the base of the hydrogen envelope in
a majority of the models with enough energy to eject it. These
unusual transients will appear as low-energy, long-duration, red
events as the ejected envelope emits its energy via hydrogen
recombination. The ejected envelope has a speed on the order
of 50–100 km s−1 and maintains a luminosity 1039–1040 erg s−1

for approximately a year.
For a given parameterization of the neutrino losses, the

transient produced becomes weaker as the TOV mass limit
is reduced and as the mass of the presupernova helium core
increases. It therefore remains possible, depending upon the
TOV limit assumed, to fail to eject the envelope in more massive
stars. If the star in these cases has sufficient angular momentum
in its outer layers, then it may instead produce long gamma-ray
transients as described by Woosley & Heger (2011); otherwise,
it will disappear as an unnova as described by Kochanek et al.
(2008).

We thank Luke Roberts for insight and guidance in modeling
the neutrino losses from a protoneutron star. We thank Ann
Almgren and John Bell for providing the CASTRO code and
Shawfeng Dong, Chris Malone, and Haitao Ma for assistance
with using it. We thank Chris Kochanek and the referee for
providing helpful comments. This research has been supported
by the National Science Foundation (AST 0909129), the NASA
Theory Program (NNX09AK36G), the DOE High Energy
Physics Program (DE-FC02-09ER41438), and two UC Lab Fees
Research Awards (09-IR-07-117968 and 12-LR-237070).
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Searching for vanishing RSGs
• Monitoring ~106 RSGs in ~25 Gal. 

within ~10 Mpc with ~0.5 yr
cadence for ~5 yrs using the 
Large Binocular Telescope

• Examine sources with   

• 3 core collapse supernovae

• 1 candidate of vanishing RSG

• Continuous obs. will give 
meaningful constraints on        
failed SN rate.

Kochanek+08, Gerke+15
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Figure 14. Select V and Rc band observations for Candidate 1 in NGC 6946. We have 19 epochs for this galaxy and do not show them
all. The selected observations give a clear picture of the source’s variability. The “First” observation in the V band (Rc band) is on 5
July 2008 (3 May 2008) and the “Last” observation is on 20 November 2014. The format is the same as in Figure 2.

Figure 13. The B, V and Rc band differential light curves for
Candidate 1 in NGC 6946. The open circle in the V band light
curve was an observation that fell just outside our quality criteria
that was later added as a check on the measurements. The ver-
tical axis is in units of 104L⊙(νLν) and has been normalized to
the first observation so that the luminosity difference between the
first and last observations can be easily seen. A change in lumi-
nosity by 104L⊙ in either direction, as indicated by the horizontal
lines, would lead to the source being selected as a candidate. The
bottom two panels are the 3.6µm and 4.5µm SST archival light
curves normalized to the first epoch and on a different y-axis
scale.

curve and used this for our measurement of initial luminos-
ity so that it could be compared to the R band on that same
date. We measured the differential flux with simple aperture
photometry as a comparison to the ISIS estimates and found
good agreement.
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Figure 15. Archival observations of Candidate 1. The F606W
HST observation and the first, brightest and last 3.6µm SST ob-
servations. The archival images are labeled with the date of the
observation. The circle marks the Candidate location and has a
1 arcsecond radius. The images are 5 arcseconds on a side.

The peak brightness we observe is on 25 March 2009
for both the V and Rc bands. We measure V ≃ 18.17
mag (νLν = 1.15 × 106L⊙) and Rc ≃ 17.58 mag (νLν =
14.34×106L⊙). After this peak, the source was not detected
in any band for the remainder of our survey, with the last
observation for this galaxy on 20 November 2014. Figure 14
shows select observations for both the V and Rc bands. The
candidate is clearly detected in the first epoch, experiences
an outburst and is not visible on or after 20 October 2009.

We found no other references to this outburst. There is
a cataloged GALEX UV source close to its position, however
there is also a 21.71 mag U band source within 4 arcseconds
from our candidate that is likely the GALEX source. The
detection of the candidate two nights in a row at a relatively
unchanged luminosity in May 2008 shows that the source
was present and relatively stable at the start of the survey.
If this outburst was a nova or some other type of stellar
variability, we expect that the star would not have been seen
earlier, never fully disappeared, or should have returned.
Based on the LBT data, this is a promising candidate.

There are archival observations of this source from both
HST and the SST and Candidate 1 is easily identified in
the observations from both telescopes. There is a single
epoch of HST data from 8 July 2007 in the F606W and
F814W WFPC2 filters (Program: 11229, PI:Meixner). Us-

c⃝ 0000 RAS, MNRAS 000, 000–000
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a cataloged GALEX UV source close to its position, however
there is also a 21.71 mag U band source within 4 arcseconds
from our candidate that is likely the GALEX source. The
detection of the candidate two nights in a row at a relatively
unchanged luminosity in May 2008 shows that the source
was present and relatively stable at the start of the survey.
If this outburst was a nova or some other type of stellar
variability, we expect that the star would not have been seen
earlier, never fully disappeared, or should have returned.
Based on the LBT data, this is a promising candidate.

There are archival observations of this source from both
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Wolf-Rayet stars
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Table 1. Mass ejection from collapsing Wolf-Rayet stars

Model MZAMS [M�] M⇤ [M�] R⇤ [cm] ⇠2.5 MTOV [M�] Ekin [erg] Mej [M�]

s60tov2.5 60 24 3.3⇥ 10

10
0.44 2.5 1.8⇥ 10

48
7.8⇥ 10

�3

s60tov2.0 60 24 3.3⇥ 10

10
0.44 2.0 4.4⇥ 10

47
2.0⇥ 10

�3

s35tov2.5 35 16 3.9⇥ 10

10
0.42 2.5 1.9⇥ 10

48
1.5⇥ 10
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Figure 2. Evolution of a collapsing Wolf-Rayet star (s60tov2.5).

The top and bottom panel show the radial velocity and density

at t = 0 � 128 s after the core collapse sets in, respectively. The

shock breakout occurs at t ⇠ 100 s.

5 OBSERVATIONAL SIGNATURES

In this section, we consider possible observational signatures
associated with mass ejection from collapsing WRs, which
can be used to identify this type of black hole formation.

5.1 UV and optical

Just after the shock breakout, the ejecta is highly optically
thick. It expands almost adiabatically in a homologous man-
ner. The optical depth, temperature, and internal energy de-
creases with time as ⌧ej / t

�2, Tej / t

�1, and Eint / t

�1,
respectively. Once the optical depth of the ejecta becomes as
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shock breakout occurs at t ⇠ 100 s.
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shock breakout occurs at t ⇠ 100 s.
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at t = 0 � 128 s after the core collapse sets in, respectively. The

shock breakout occurs at t ⇠ 100 s.
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associated with mass ejection from collapsing WRs, which
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at t = 0 � 128 s after the core collapse sets in, respectively. The

shock breakout occurs at t ⇠ 100 s.
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In this section, we consider possible observational signatures
associated with mass ejection from collapsing WRs, which
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The top and bottom panel show the radial velocity and density

at t = 0 � 128 s after the core collapse sets in, respectively. The

shock breakout occurs at t ⇠ 100 s.
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In this section, we consider possible observational signatures
associated with mass ejection from collapsing WRs, which
can be used to identify this type of black hole formation.
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thick. It expands almost adiabatically in a homologous man-
ner. The optical depth, temperature, and internal energy de-
creases with time as ⌧ej / t

�2, Tej / t

�1, and Eint / t

�1,
respectively. Once the optical depth of the ejecta becomes as
small as ⌧ej ⇡ c/vesc, thermal photons in the ejecta di↵use
out. The emission timescale is
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We assume that a helium-rich ejecta and the opacity is ap-
proximately  ⇠ 0.1 g�1 cm2 around the emission time (e.g.,
Kleiser & Kasen 2014). Hereafter we use the notation Q

x

=
Q/10x in CGS unit except for mass M

x

= M/10xM�. The
peak bolometric luminosity can be estimated as Lemi ⇡
Esbotsbo/t

2
emi, or

Lemi ⇠ 1.5⇥ 1039 erg s�1
Esbo,47.6M

�1
ej,�2.3

�1
�1R⇤,10.5, (11)

and the emission temperature is Temi ⇡ Tsbotsbo/temi, or

Temi ⇠ 2.5⇥104 K Tsbo,7.7M
�1/2
ej,�2.3

�1/2
�1 v

�1/2
esc,8.5R⇤,10.5 (12)
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ejection of the s60tov2.5 Model. The flux corresponding to

0.1 mJy from 30 Mpc is indicated by the solid black line.

At t > temi, the luminosity rapidly drops as / t

�2 around
the peak and then exponentially. We note that observed
WRs are bluer T⇤ ⇠ (3�9)⇥104 K and the stellar luminos-
ity is comparable or even brighter L⇤ ⇠ 105�6

L� (Crowther
2007). Hence the above transient will be observed as a sud-
den reddening and vanishing of the WR. Detection of the
reddening is challenging given the emission duration of a
few days.

5.2 Radio

The shock breakout accelerates a fraction of the ejecta,
which are decelerated in the circumstellar wind with form-
ing a blast wave. A faster component is shocked and de-
celerated earlier and slower ones successively catch up to
reenergize the shocked region. At the shocks, the magnetic
field is amplified and relativistic electrons can be acceler-
ated, which radiate synchrotron emission. Here we calculate
the radio afterglow emission from the forward shock based
on the standard model used in the context of radio SNe (e.g.,
Chevalier 1998; Nakauchi et al. 2015).

We assume a cumulative kinetic-energy distribution
Ekin(> v) of the s60tov2.5 model (see Fig. 4). We only con-
sider ejecta with 5 ⇥ 108 cm s�1

< v < 5 ⇥ 109 cm s�1.
Adding faster or slower components does not significantly
a↵ect resultant emission. We consider a typical circumstellar
wind medium of the observed WRs ⇢w(R) = Ṁw/4⇡vwR

2

with a mass loss rate of Ṁw = 10�5
M� yr�1 and a terminal

wind velocity of vw = 2⇥ 108 cm s�1 (Crowther 2007). For
given Ekin(> v) and ⇢w(R), the dynamics of the forward
shock is obtained from the mass and energy conservation.
Following the convention, we put a fraction ✏

B

and ✏

e

of
the internal energy of the shocked gas to magnetic field and
electron acceleration. The non-thermal electron is assumed
to have a single power law spectrum dne/dEe / E

�p

e . We
set ✏

B

= 0.1, ✏
e

= 0.1, and p = 2.5 as fiducial. The e↵ect
of synchrotron self absorption, which is crucial in the radio
bands, is taken into account.

Fig. 5 shows the radio light curves. Each line shows a
di↵erent frequency band from 100 MHz to 10 GHz. A higher
frequency band rises faster and the peaks are determined by

synchrotron self absorption. Compared with the observed
radio SNe, the peak flux will be much dimmer, typically by
a factor ⇠ 10� 100 (Weiler et al. 2002), which is mainly be-
cause of the smaller explosion energy of our case. The black
solid line indicates a flux level corresponding to 0.1 mJy for
a source at 30 Mpc. A similar flux can be detectable by radio
surveys with e.g., EVLA1 and ASKAP2.

6 SUMMARY AND DISCUSSION

We have investigated mass ejection from collapsing Wolf-
Rayet stars (WRs) leading to black hole (BH) forma-
tion. Even if the supernova (SN) explosion totally fails,
⇠ 10�(2�3)

M� of the outer envelope can be ejected by
a weak shock, which is driven by a gravitational mass loss
of the progenitor core through neutrino emission in the pro-
toneutron star phase. The total kinetic energy of the ejecta
can be ⇠ 1048 erg and the shock breakout accelerates a frac-
tion of mass well above the escape velocity of the progenitor.

We have discussed possible observational signatures as-
sociated with the mass ejection. One is a UV/optical quasi-
thermal emission di↵using out from the expanding ejecta,
which can be observed as a sudden reddening and vanishing
of a WR with a time scale of a few days. Detection of such a
transient signal is challenging given the time scale and lumi-
nosity. A more promising counterpart is the radio afterglow
from the decelerating ejecta. If an event happens within ⇠
30 Mpc, we can expect a peak radio flux of ⇠ 0.1 mJy in
GHz bands a month to a year after the core collapse, which
can be detectable by radio surveys with e.g., EVLA and
ASKAP. Searching for such an orphan afterglow with a van-
ished WR can be a way to identify newborn black holes in
the local Universe. If this type of BH formation occurs in
5% of massive star death, which is uncertain, the event rate
within the radio detection horizon is ⇠ 1 yr�1.

In this study, we have focused on collapsing WRs with-
out significant rotation, resulting in failed SN and direct
BH formation, but the mass ejection process we consider
here can occur in general cases. In the case of successful
SN explosion, the weak shock will be totally overwhelmed
by the SN shock. Even in the case of failed SN explosion,
there can be a delayed energy injection from a BH accre-
tion disk if the progenitor has a su�cient rotation (Woosley
& Heger 2012; Perna et al. 2014). Relativistic jet or disk
wind launched from the central engine can clash into the
ejecta of ⇠ 10�(2�3)

M� and a fraction of their kinetic
energies dissipates (Dexter & Kasen 2013). This can a↵ect
the resultant emission from the jet and wind depending on
their power. In particular, fast UV/optical transients from
the disk winds (Kashiyama & Quataert 2015) can become
slightly brighter by this e↵ect.
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reenergize the shocked region. At the shocks, the magnetic
field is amplified and relativistic electrons can be acceler-
ated, which radiate synchrotron emission. Here we calculate
the radio afterglow emission from the forward shock based
on the standard model used in the context of radio SNe (e.g.,
Chevalier 1998; Nakauchi et al. 2015).

We assume a cumulative kinetic-energy distribution
Ekin(> v) of the s60tov2.5 model (see Fig. 4). We only con-
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a↵ect resultant emission. We consider a typical circumstellar
wind medium of the observed WRs ⇢w(R) = Ṁw/4⇡vwR
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with a mass loss rate of Ṁw = 10�5
M� yr�1 and a terminal
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given Ekin(> v) and ⇢w(R), the dynamics of the forward
shock is obtained from the mass and energy conservation.
Following the convention, we put a fraction ✏
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and ✏
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frequency band rises faster and the peaks are determined by
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& Heger 2012; Perna et al. 2014). Relativistic jet or disk
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2007). Hence the above transient will be observed as a sud-
den reddening and vanishing of the WR. Detection of the
reddening is challenging given the emission duration of a
few days.
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The shock breakout accelerates a fraction of the ejecta,
which are decelerated in the circumstellar wind with form-
ing a blast wave. A faster component is shocked and de-
celerated earlier and slower ones successively catch up to
reenergize the shocked region. At the shocks, the magnetic
field is amplified and relativistic electrons can be acceler-
ated, which radiate synchrotron emission. Here we calculate
the radio afterglow emission from the forward shock based
on the standard model used in the context of radio SNe (e.g.,
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sider ejecta with 5 ⇥ 108 cm s�1
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radio SNe, the peak flux will be much dimmer, typically by
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solid line indicates a flux level corresponding to 0.1 mJy for
a source at 30 Mpc. A similar flux can be detectable by radio
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5% of massive star death, which is uncertain, the event rate
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wind launched from the central engine can clash into the
ejecta of ⇠ 10�(2�3)

M� and a fraction of their kinetic
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three-quarters of our binaries have measured or-
bital properties, which allowed us to directly mod-
el the orbital parameter distributions. (iii) The
orbital properties cover the full range of periods
and mass ratios relevant for binary interaction.
Thus, we are better equipped to draw direct con-
clusions about the relative importance of various
binary interaction scenarios.

We find an intrinsic binary fraction of fbin =
0.69 T 0.09, a strong preference for close pairs
(p = –0.55 T 0.2), and a uniform distribution of
the mass ratio (k = –0.1 T 0.6) for binaries with
periods up to about 9 years. Comparison of the
intrinsic, simulated, and observed cumulative dis-
tributions of the orbital parameters shows that
observational biases are mostly restricted to the
longest periods and the most extreme mass ra-
tios (Fig. 1).

Compared with previous works, we find no
preference for equal-mass binaries (22).We obtain
a steeper period distribution and a larger fraction
of short period systems than previously thought
(9–14, 23), resulting in a much larger fraction of
systems that are affected by binary evolution.

Because star-cluster dynamics and stellar evo-
lution could have affected the multiplicity prop-
erties of only very few of the young O stars in
our sample (see supplementary text A.2), our
derived distributions are a good representation
of the binary properties at birth. Thus, it is safe
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Fig. 1. Cumulative number distributions of logarithmic orbital periods (left) and mass ratios (right) for
our sample of 71 O-type objects, of which 40 are identified binaries. The horizontal solid lines and the
associated dark green areas indicate the most probable intrinsic number of binaries (49 in total) and its
1s uncertainty, corresponding to an intrinsic binary fraction fbin = 0.69 T 0.09. The horizontal dashed
lines indicate the most probable simulated number of detected binaries (40 T 4), which agrees very well
with the actual observed number of binaries (40 in total). Crosses denote the observed cumulative
distributions for systems with known periods (34 in total) and mass ratios (31 in total). The lower
dashed lines indicate the best simulated observational distributions and their 1s uncertainties, corre-
sponding to intrinsic distributions with power-law exponents p = –0.55 T 0.22 and k = –0.10 T 0.58,
respectively. The lower solid lines and associated dark blue areas indicate the most probable intrinsic
number distributions and their errors. The latter were obtained from a combination of the uncertainties
on the intrinsic binary fraction and on the power-law exponents of the respective probability density
functions. d, days.

Fig. 2. Schematic representa-
tion of the relative importance
of different binary interaction
processes given our best-fit bi-
nary fraction and intrinsic distri-
bution functions. All percentages
are expressed in terms of the frac-
tion of all stars born as O-type
stars, including the single O stars
and the O stars in binaries, either
as the initially more massive
component (the primary) or as
the less massive one (the second-
ary). The solid curve gives the
best-fit intrinsic distribution of
orbital periods (corresponding to
p = –0.55), which we adopted
as the initial distribution. For the
purpose of comparison, we nor-
malized the ordinate value to
unity at the minimum period
that we considered. The dotted
curve separates the contributions
from O-type primary and second-
ary stars. The colored areas indi-
cate the fractions of systems that
are expected to merge (red), ex-
perience stripping (yellow), or
accretion/common envelope evo-
lution (orange). Assumptions and
uncertainties are discussed in
the text and in supplementary
text C. The pie chart compares
the fraction of stars born as O stars that are effectively single [i.e., single (white) or in wide binaries with little or no interaction effects (light green)—29%
combined] with those that experience significant binary interaction (71% combined).
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Rotation of pre-collapse massive stars
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Figure 6. Final angular momentum for 8 M⊙ and 16 M⊙ helium cores in tidally locked binary systems compared to that required to form a disk around a black hole.
Models 8B (upper right) clearly could make a disk and a rapidly rotating black hole. Model 16A (lower left) would not. Disk formation in Models 8A and 16B depends
on the retention and collapse of a small bit of mass at the surface.

collapsed. Four curves are given. Three are for the minimum
angular momentum required to form a disk at the last stable
orbit of (1) a non-rotating (Schwarzschild) black hole, (2) a
Kerr black hole, and (3) a black hole with rotation given by
the actual angular momentum distribution of the pre-supernova
star. The fourth curve is the angular momentum distribution in
the pre-supernova star. Because the inner parts of the star are
not rotating very rapidly, curves (1) and (3) are similar except
near the surface. Only where the actual angular momentum lies
above curve (3) can a disk form. Material with less angular
momentum plunges directly into the hole.

None of the models has enough angular momentum to form
a disk in its inner core. Thus a Type 1 collapsar will not occur.
The angular momentum in the inner 1.7 M⊙ of the stars is
still appreciable, however. Models 8A and 16A would form
1.4 M⊙ (gravitational mass) pulsars with periods of 7.4 ms and
2.6 ms, respectively. Models 8B and 16B would form pulsars of
3.2 ms and 1.5 ms. Model 16B thus qualifies as a “millisecond
magnetar” candidate and might power a common GRB if a
pulsar is able to form before accretion turns it into a black hole.
Models 8B, 16A, and 16B could also make powerful pulsar-
powered supernovae. Model 8A and other more slowly rotating
systems probably would not.

Of greater interest for the present paper, however, is the
large angular momentum in the outer layers of three of the
models. These would be relevant if the center of the star
collapsed to a black hole rather than a millisecond pulsar.
Model 8A has angular momentum sufficient to form a disk
in its outer 0.074 M⊙. Two other models (Table 1) have similar
large rotation in their surface layers. These results are consistent
with those of van den Heuvel & Yoon (2007) who found that
their most rapidly rotating 8 M⊙ and 16 M⊙ helium cores ended

their lives with j in outer layers of 3.7 × 1017 cm2 s−1 and
6.0 × 1017 cm2 s−1. The radius and gravitational potential of
the high angular momentum surface layers allows an order of
magnitude estimate of the free-fall timescale (Table 1), about
100 s.

The tidal interaction actually acts to brake the rotation of
the surface layers compared to what they would have had in
a star without mass loss and no companion star. To illustrate
this, Model 8C was calculated, starting from the rigidly rotating
helium burning stage of Model 8B (total angular momentum
3.6 × 1051 erg s), but with no surface boundary condition and
no mass loss. That is, the rotation rate of the surface layers
was allowed to adjust to be consistent with whatever angular
momentum was transported to them. Without mass loss, the
star was forced to conserve angular momentum overall and the
very outer layers ended up rotating very rapidly (Figure 6).
The angular speed, rather than being ω = 7.5 × 10−4 rad s−1

was 3.7 × 10−3 rad s−1. In fact, the outer tenth of a solar mass
rotated so rapidly that it would be centrifugally ejected. In a
realistic calculation, this matter and more underlying matter
would probably have been ejected as a disk or a centrifugally
boosted wind. The deep interior still lacked sufficient angular
momentum to form a disk around a black hole, but the amount
of surface material that could form a disk (if mass loss did
not remove it) was significant, about 2 M⊙, comparable to that
in Model 8B. Two other models like 8C were calculated that
included mass loss appropriate for a Wolf–Rayet star at solar
metallicity and one-tenth that value. The first ended up with
a final mass of 3.95 M⊙ and no surface layers with sufficient
angular momentum to form a disk. The second ended up with a
mass of 7.09 M⊙ and still had enough angular momentum in its
outer solar mass to make a disk.
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Figure 1. Distribution of angular momentum with respect to mass in the pre-supernova models for V24 and V36. The smooth curves show the angular momentum
required to form a stable disk at the last stable orbit of a Schwarzschild black hole (lower curve) or Kerr black hole (upper curve) including the given mass. The
intermediate curve that follows the Schwarzschild curve until far out in the star uses the integrated angular momentum in the model to determine the last stable orbit.
Where the irregular dark line showing the actual angular momentum on the star intersects this line a disk can form. The outer 9 M⊙ of Model V24 and the outer 10 M⊙
of Model V36 will form a disk. The edge of the helium cores of the two models is apparent in the sharp inflection in the angular momentum at 8.3 M⊙ and 15.0 M⊙.
Mass loss was included in the calculation, but due to the low metallicity, only 0.05 M⊙ and 0.15 M⊙ was lost in V24 and V36, respectively. Note that, if all the surface
material accreted here, the black hole would rotate at nearly its maximum allowed value (i.e., the red line intersects the green one at the end).

for massive main-sequence stars depends upon some fractional
power of the metallicity (Kudritzki 2002). More important and
less certain is the dependence of mass lost as a red or blue
supergiant on metallicity. It is thought that mass loss from cool
giants is more dependent upon pulsations and grain formation
(Reimers 1977; Smith et al. 2011). One might expect therefore
a rapid falloff in mass loss below some value necessary for
significant grain production. It has been estimated that red giant
mass loss will be significantly less below 0.1 Z⊙ (Bowen &
Willson 1991; Zijlstra 2004).

If stars do not lose mass then they conserve angular momen-
tum. Since the natural course of evolution leads to the con-
traction and spin up of the inner star, shear instabilities and
magnetic torques will concentrate an increasing amount of an-
gular momentum in the outer regions of the star. While the
inner part does spin faster due to contraction, it actually loses
most of its initial angular momentum by the time it reaches
central carbon burning. Heger & Woosley (2010) surveyed the
evolution of non-rotating zero-metal massive stars from 10 M⊙
to 100 M⊙. In a parallel study currently underway (A. Heger
& S. E. Woosley 2012, in preparation), we are surveying the
evolution of rotating stars in the same mass range with metal-
licity 0, 10−3, and 10−1 that of the Sun. The two stars discussed
here have been extracted from that survey and are typical in the
way that they accumulate large amounts of angular momentum
in their outer layers before dying as supergiants. All calcula-
tions of stellar evolution presented here used the KEPLER code
(Weaver et al. 1978; Woosley et al. 2002; Heger et al. 2000)
and included angular momentum transport by magnetic torques
(Spruit 2002). Models V24 and V36 are 24 M⊙ and 36 M⊙
main-sequence stars with metallicity 0.1% solar. Both stars ro-
tated rigidly on the main sequence with a moderate surface
equatorial speed of about 200 km s−1 which is about 20% of
the Keplerian value. Both pre-supernova stars had hydrogenic
envelopes that were, throughout most of their mass, radiative.
Model V36, however, had a low-mass surface convection zone
that included 0.11 M⊙. Model V36 was consequently a yellow
supergiant at death (L = 2.2×1039 erg s−1; R = 5.4×1013 cm;
Teff = 5700 K). Model V24 was a rather large blue supergiant
(L = 1.1 × 1039 erg s−1, R = 1.0 × 1013 cm; Teff = 11, 300 K).

These two stars ended their lives with cores of helium
and heavy elements of 8.3 M⊙ and 15.0 M⊙, respectively, and

angular momentum distributions as shown in Figure 1. While
the lack of sufficient angular momentum within the helium core
precludes making a disk around a black hole within that mass,
there is ample rotation in the outer part of the hydrogen envelope
to do so. This could be a very common occurrence. From the
survey of A. Heger & S. E. Woosley (2012, in preparation), the
total angular momentum of a massive star at birth that has an
equatorial rotation speed of about 20% Keplerian on the main
sequence is

Jtot = Iω ≈ 2 × 1052
(

M

M⊙

)1.8

erg s. (1)

If the star does not lose mass, most of this angular momentum be-
comes concentrated, in the pre-supernova star, in a nearly rigidly
rotating hydrogenic envelope with radius either !1013 cm (blue
supergiant) or ∼1014 cm (red supergiant). Though the density
declines with radius in the actual envelope, one can obtain some
interesting scaling relations by assuming constant density. For
a moment of inertia, I ≈ 0.4MR2, the angular velocity at the
surface, R = 1014 R14 cm, is

ω ≈ 1.2 × 10−10 R−2
14

(
M

20 M⊙

)0.8

rad s−1. (2)

The specific angular momentum of this rigidly rotating envelope
is j = (2/3)ωr2, or about 1018 cm2 s−1 at the surface of a red
supergiant and 1020 cm2 s−1 for a blue supergiant, if no mass is
lost.

These can be compared with the angular momentum re-
quired to make a disk around a non-rotating black hole,
j = 2

√
3GM/c = 3.1 × 1017(MBH/20 M⊙) cm2 s−1 or j =

2/
√

3GM/c = 1.0 × 1017(MBH/20 M⊙) cm2 s−1 for a maxi-
mally rotating hole (Kerr parameter a = 1). All massive stars
that do not lose mass have sufficient angular momentum in their
outermost layers to make a disk around any black hole formed
in their collapse.

Of course, stars do lose mass and the fact that, for constant ω,
j ∝ r2 means that the first mass to be lost contains most of the
angular momentum. In practice, we find that a red supergiant
that loses more than a few percent of its total mass before dying
will probably not make a black-hole–disk system.
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Then, what will happen?
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malized via interaction with this ejecta (Dexter & Kasen
2013).

Once the SN shock stalls, the outer layers of the pro-
genitor fall back to the central BH. If the outer layers have
sufficient angular momentum, they form an equatorial torus
at the circularization radius,

r0 ≈ fr ×
2GMBH

c2
∼ 3× 107 cm

(

fr
10

)(

MBH

10 M⊙

)

. (1)

We focus on marginal cases in which the circularization ra-
dius is not much larger than the innermost circular orbit
of the BH (fr ∼ 10 − 100); we show below (Fig. 4) that
larger circularization radii likely lead to fainter more slowly
evolving transients. The fallback rate can be estimated as
Ṁd ≈ Md/tacc, or

Ṁd ∼ 3× 10−5 M⊙ s−1

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−3/2 ( MBH

10 M⊙

)1/2

, (2)

where tacc ≈ π(R∗
3/8GMBH)

1/2, or

tacc ∼ 3× 104 s

(

R∗

1012 cm

)3/2 (
MBH

10 M⊙

)−1/2

(3)

is the free fall timescale, R∗ is the radius of the outermost
layer, and Md is the total mass of the disk. The torus is op-
tically and geometrically thick, trapping the heat generated
by the fallback material.

The disk accretes once the angular momentum is ef-
fectively transported by e.g., magnetorotational instabil-
ity (MRI). Proga & Begelman (2003a,b) simulated accre-
tion of low angular momentum gas in a scenario quali-
tatively analogous to that considered here. They showed
that the MRI redistributes angular momentum during the
circularization, leading to dissipation which powers both
accretion and an outflow. In our scenario, the viscous
time of the disk is much shorter than the fallback time
scale. Thus, the accretion rate is essentially given by the
fallback rate (Eq. 2), which is typically larger than the
Eddington accretion rate, ṀEdd = 4πGMBH/cκ ∼ 1 ×

10−15 M⊙ s−1 (κ/0.2 cm2 g−1)−1(MBH/10M⊙). Note that
the opacity κ ∼ 0.1, 0.2 and 0.4 cm2 g−1 corresponds to
electron scattering for singly ionized helium, fully ionized
helium and hydrogen, respectively. The accretion rate is
also below the accretion rate at which there is significant
neutrino cooling (Chen & Beloborodov 2007). In this case,
one can expect a strong radiation-driven outflow from the
disk. Such outflows have been also confirmed by numeri-
cal simulations (Ohsuga et al. 2005; Sa̧dowski et al. 2014;
Jiang, Stone & Davis 2014).

We model the fallback disk outflow as follows. First,
a fraction fṀ < 1 of the accreting mass is loaded on the
outflow, Ṁout = fṀ × Ṁd or,

Ṁout ∼ 3× 10−6 M⊙ s−1

(

fṀ
0.1

)

(4)

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−3/2 ( MBH

10 M⊙

)1/2

.

Second, the outflow velocity is approximately the escape ve-
locity, v̄out ≈ (2GMBH/r0)

1/2, or

v̄out ∼ 1× 1010 cm s−1

(

fr
10

)−1/2

. (5)

Finally, we assume that the outflow is isotropic, although in
reality it will be moderately bipolar.

Next, let us describe the density and temperature profile
in the outflow, which are crucial for quantifying the electro-
magnetic emission. After the launch, the outflow expands
into the surrounding medium. For t ! tacc, the accretion
rate is almost constant, and the outflow is approximately
a steady wind. The density structure can be described as
ρ ≈ ρ0(r/r0)

−2, where ρ0 ≈ Ṁout/4πr
2
0v̄out, or

ρ0 ∼ 60 g cm−3

(

fr
10

)−3/2 (fṀ
0.1

)

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−3/2 ( MBH

10 M⊙

)−3/2

, (6)

is the density of the outflow at r = r0. Since the outflow
is initially highly optically thick, the temperature evolves
adiabatically, T ∝ ρ1/3 ∝ r−2/3, thus T ≈ T0(r/r0)

−2/3,
where T0 ≈ (Ṁoutvout/8πar

2
0)

1/4, or

T0 ∼ 8× 108 K

(

fr
10

)−5/8 (fṀ
0.1

)1/4

×

(

Md

1 M⊙

)1/4 ( R∗

1012 cm

)−3/8 ( MBH

10 M⊙

)−3/8

.(7)

We note that the gas temperature in the disk is Td ≈

f−1/4

Ṁ
T0 ! a few 109 K. In this case, heavy nuclei up to

at most O, Ne, and Mg can be synthesized inside the disk,
but not Fe group elements. Hence, there is no radioactivity
in the outflow. The above nuclear burning only occurs in the
inner most disk, where the enthalpy is likely larger than the
nuclear energy released, so that the nuclear reactions are not
dynamically important (Fernández & Metzger 2013).

At t " tacc, the accretion rate decreases significantly,
and the outflow essentially decouples from the disk. Then,
the outflow ejecta will expand in a homologous manner,
r/t ≈ v. The density profile of the homologous ejecta can be
described as

ρ ≈ ρ′0

(

t
tacc

)−3 (
v

vout,min

)−ξ

. (8)

We determine the normalization of the density by mass con-
servation,

∫ rmax

rmin
4πr2ρdr ≈ fṀMd, which yields

ρ′0 ∼ 4× 10−12 g cm−3

(

fr
10

)3/2 (fṀ
0.1

)

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−9/2 ( MBH

10 M⊙

)3/2

. (9)

Here, rmax ≈ vout,maxtacc, rmin ≈ vout,mintacc, vout,max =
fv,maxv̄out, and vout,min = fv,minv̄out. In this paper, we
choose fv,max " 1, fv,min ! 1, and ξ > 2 so as to sat-
isfy the energy conservation i.e.,

∫ rmax

rmin
(4πr2 × ρv2/2)dr ≈

fṀMdv̄out
2/2. We note that the internal energy of the shell

is subdominant at r ≈ rmin due to adiabatic cooling. To
obtain fout,max, fout,min, and ξ consistently, one has to per-
form numerical simulations, but the basic characteristics of
the optical emission are not so sensitive to these parame-
ters. We take fv,min = 0.7, fv,max = 1.4, and ξ = 3.75 as
fiducial choices. As long as the ejecta is almost adiabatic,
the temperature profile can be described as

T ≈ T ′
0

(

t
tacc

)−1 (
v

vout,min

)−ξ/3

. (10)
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Figure 3. Snapshot of disk structures for density (left) and radiation energy
density (right) at time 1.13 × 104ts . Units for ρ and Er are ρ0 and arT

4
0

respectively.
(A color version of this figure is available in the online journal.)

Detailed structures of the disk will be studied quantitatively in
the following sections.

4.3. Inflow and Outflow

To see which part of the disk has reached inflow equilib-
rium, Figure 4 shows various mass fluxes through each radius
defined as

Ṁsum =
∮

ρv · dS,

Ṁin =
∫ Lz/2

−Lz/2
2πmin(vr, 0)rρdz,

Ṁout =
∫ Lz/2

−Lz/2
2πmax(vr, 0)rρdz,

Ṁz =
∫ r

0
2πvz(z = ±Lz/2)rρdr. (8)

Here, Ṁsum is the total mass flux through the cylinder with radius
r, Ṁin, and Ṁout are the inward and outward mass flux along the
radial direction, respectively, Ṁz is the mass flux through the
vertical direction. As the time-averaged value of Ṁsum is almost
a constant for different radii between time 10570ts and 12080ts
up to ∼20rs , this part of disk has reached inflow equilibrium
and will be the focus of our analysis. Figure 4 also shows that
starting from ∼4rs , there is a significant outward mass flux along
the radial and vertical directions. At 20rs, Ṁin = 3.01Ṁsum,
Ṁout = −1.72Ṁsum while Ṁz = −0.29Ṁsum.

Figure 5 shows the time and azimuthally averaged distribution
of ρ, v, Er, Fr in the r−z plane. Consistent with the snapshot
shown in Figure 3, the disk clearly has two distinct components,
namely the turbulent body of the disk and a strong outflow
region within ∼45◦ from the rotation axis. Most of the mass
is concentrated near the mid-plane of the disk, where accretion
happens. The outflow starts from a place well inside the electron
scattering photosphere and carries the lowest density gas in
the disk. However, a significant amount of radiation energy
is carried along with the outflow. The streamlines pointing
toward the inner boundary are probably an artifact of the

Figure 4. Averaged radial profiles of mass flux between time 10,570ts and
12,080ts. The red line is the net mass flux (Ṁsum). The solid and dashed black
lines are the inward and outward mass flux along radial directions (Ṁin and
Ṁout), while the blue line is the total mass flux along the vertical direction
within each radius (Ṁz). The dotted vertical line indicates the location of rISCO.
(A color version of this figure is available in the online journal.)

cylindrical coordinate we are using. The emerging flux from the
photosphere at each radius is a composition of photons generated
at different radii, which completely changes the radial profiles of
the radiation flux compared with the classical one zone models
where the radiation flux from photosphere at each radius is only
determined by the photons generated locally.

In order for the outward moving gas seen in the simulation to
be truly astrophysical outflow, the gas has to be unbound from
the gravitational potential. However, with radiative diffusion,
the classical Bernoulli number is no longer a constant. One
lower bound estimate is to treat the radiation acceleration as
an effective reduction of the gravitational acceleration and we
use the following quantity to determine whether the gas is
bound or not:

Et = 1
2
ρv2 +

γP

γ − 1
− Egrav +

Er

3
, (9)

where Egrav = −ρφ. The first three terms in this equation are
the classical Bernoulli constant, while the last term is to account
for the balance of gravity due to radiation force. We azimuthally
average Et between 10,570ts and 12,080ts, which is shown in
Figure 6. The outflow region seen in Figure 5 does have positive
Et while the turbulent part of the disk has negative Et. Although
Figure 5 shows that the gas with negative Et beyond 30rs can
also move outward, this is just the dynamic motion of the torus
and they cannot reach infinity. They will fall back at a larger
radius, which is not captured by the simulation domain. We
have done another simulation with similar setup but without
radiation field. The gas can have similar large-scale outward
motion but the Bernoulli constant is always negative.

4.4. Rotation Profile and Force Balance

When both gas and radiation pressure gradients along the
radial direction are negligible, gravitational force is balanced by
the centrifugal force and the disk is in Keplerian rotation. This is
what usually assumed in standard thin disk model. To check this,
Figure 7 shows the radial profile of density-weighted rotation
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malized via interaction with this ejecta (Dexter & Kasen
2013).

Once the SN shock stalls, the outer layers of the pro-
genitor fall back to the central BH. If the outer layers have
sufficient angular momentum, they form an equatorial torus
at the circularization radius,

r0 ≈ fr ×
2GMBH

c2
∼ 3× 107 cm

(

fr
10

)(

MBH

10 M⊙

)

. (1)

We focus on marginal cases in which the circularization ra-
dius is not much larger than the innermost circular orbit
of the BH (fr ∼ 10 − 100); we show below (Fig. 4) that
larger circularization radii likely lead to fainter more slowly
evolving transients. The fallback rate can be estimated as
Ṁd ≈ Md/tacc, or

Ṁd ∼ 3× 10−5 M⊙ s−1

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−3/2 ( MBH

10 M⊙

)1/2

, (2)

where tacc ≈ π(R∗
3/8GMBH)

1/2, or

tacc ∼ 3× 104 s

(

R∗

1012 cm

)3/2 (
MBH

10 M⊙

)−1/2

(3)

is the free fall timescale, R∗ is the radius of the outermost
layer, and Md is the total mass of the disk. The torus is op-
tically and geometrically thick, trapping the heat generated
by the fallback material.

The disk accretes once the angular momentum is ef-
fectively transported by e.g., magnetorotational instabil-
ity (MRI). Proga & Begelman (2003a,b) simulated accre-
tion of low angular momentum gas in a scenario quali-
tatively analogous to that considered here. They showed
that the MRI redistributes angular momentum during the
circularization, leading to dissipation which powers both
accretion and an outflow. In our scenario, the viscous
time of the disk is much shorter than the fallback time
scale. Thus, the accretion rate is essentially given by the
fallback rate (Eq. 2), which is typically larger than the
Eddington accretion rate, ṀEdd = 4πGMBH/cκ ∼ 1 ×

10−15 M⊙ s−1 (κ/0.2 cm2 g−1)−1(MBH/10M⊙). Note that
the opacity κ ∼ 0.1, 0.2 and 0.4 cm2 g−1 corresponds to
electron scattering for singly ionized helium, fully ionized
helium and hydrogen, respectively. The accretion rate is
also below the accretion rate at which there is significant
neutrino cooling (Chen & Beloborodov 2007). In this case,
one can expect a strong radiation-driven outflow from the
disk. Such outflows have been also confirmed by numeri-
cal simulations (Ohsuga et al. 2005; Sa̧dowski et al. 2014;
Jiang, Stone & Davis 2014).

We model the fallback disk outflow as follows. First,
a fraction fṀ < 1 of the accreting mass is loaded on the
outflow, Ṁout = fṀ × Ṁd or,

Ṁout ∼ 3× 10−6 M⊙ s−1

(

fṀ
0.1

)

(4)

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−3/2 ( MBH

10 M⊙

)1/2

.

Second, the outflow velocity is approximately the escape ve-
locity, v̄out ≈ (2GMBH/r0)

1/2, or

v̄out ∼ 1× 1010 cm s−1

(

fr
10

)−1/2

. (5)

Finally, we assume that the outflow is isotropic, although in
reality it will be moderately bipolar.

Next, let us describe the density and temperature profile
in the outflow, which are crucial for quantifying the electro-
magnetic emission. After the launch, the outflow expands
into the surrounding medium. For t ! tacc, the accretion
rate is almost constant, and the outflow is approximately
a steady wind. The density structure can be described as
ρ ≈ ρ0(r/r0)

−2, where ρ0 ≈ Ṁout/4πr
2
0v̄out, or

ρ0 ∼ 60 g cm−3

(

fr
10

)−3/2 (fṀ
0.1

)

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−3/2 ( MBH

10 M⊙

)−3/2

, (6)

is the density of the outflow at r = r0. Since the outflow
is initially highly optically thick, the temperature evolves
adiabatically, T ∝ ρ1/3 ∝ r−2/3, thus T ≈ T0(r/r0)

−2/3,
where T0 ≈ (Ṁoutvout/8πar

2
0)

1/4, or

T0 ∼ 8× 108 K

(

fr
10

)−5/8 (fṀ
0.1

)1/4

×

(

Md

1 M⊙

)1/4 ( R∗

1012 cm

)−3/8 ( MBH

10 M⊙

)−3/8

.(7)

We note that the gas temperature in the disk is Td ≈

f−1/4

Ṁ
T0 ! a few 109 K. In this case, heavy nuclei up to

at most O, Ne, and Mg can be synthesized inside the disk,
but not Fe group elements. Hence, there is no radioactivity
in the outflow. The above nuclear burning only occurs in the
inner most disk, where the enthalpy is likely larger than the
nuclear energy released, so that the nuclear reactions are not
dynamically important (Fernández & Metzger 2013).

At t " tacc, the accretion rate decreases significantly,
and the outflow essentially decouples from the disk. Then,
the outflow ejecta will expand in a homologous manner,
r/t ≈ v. The density profile of the homologous ejecta can be
described as

ρ ≈ ρ′0

(

t
tacc

)−3 (
v

vout,min

)−ξ

. (8)

We determine the normalization of the density by mass con-
servation,

∫ rmax

rmin
4πr2ρdr ≈ fṀMd, which yields

ρ′0 ∼ 4× 10−12 g cm−3

(

fr
10

)3/2 (fṀ
0.1

)

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−9/2 ( MBH

10 M⊙

)3/2

. (9)

Here, rmax ≈ vout,maxtacc, rmin ≈ vout,mintacc, vout,max =
fv,maxv̄out, and vout,min = fv,minv̄out. In this paper, we
choose fv,max " 1, fv,min ! 1, and ξ > 2 so as to sat-
isfy the energy conservation i.e.,

∫ rmax

rmin
(4πr2 × ρv2/2)dr ≈

fṀMdv̄out
2/2. We note that the internal energy of the shell

is subdominant at r ≈ rmin due to adiabatic cooling. To
obtain fout,max, fout,min, and ξ consistently, one has to per-
form numerical simulations, but the basic characteristics of
the optical emission are not so sensitive to these parame-
ters. We take fv,min = 0.7, fv,max = 1.4, and ξ = 3.75 as
fiducial choices. As long as the ejecta is almost adiabatic,
the temperature profile can be described as

T ≈ T ′
0

(

t
tacc

)−1 (
v

vout,min

)−ξ/3

. (10)
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malized via interaction with this ejecta (Dexter & Kasen
2013).

Once the SN shock stalls, the outer layers of the pro-
genitor fall back to the central BH. If the outer layers have
sufficient angular momentum, they form an equatorial torus
at the circularization radius,

r0 ≈ fr ×
2GMBH

c2
∼ 3× 107 cm

(

fr
10

)(

MBH

10 M⊙

)

. (1)

We focus on marginal cases in which the circularization ra-
dius is not much larger than the innermost circular orbit
of the BH (fr ∼ 10 − 100); we show below (Fig. 4) that
larger circularization radii likely lead to fainter more slowly
evolving transients. The fallback rate can be estimated as
Ṁd ≈ Md/tacc, or

Ṁd ∼ 3× 10−5 M⊙ s−1

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−3/2 ( MBH

10 M⊙

)1/2

, (2)

where tacc ≈ π(R∗
3/8GMBH)

1/2, or

tacc ∼ 3× 104 s

(

R∗

1012 cm

)3/2 (
MBH

10 M⊙

)−1/2

(3)

is the free fall timescale, R∗ is the radius of the outermost
layer, and Md is the total mass of the disk. The torus is op-
tically and geometrically thick, trapping the heat generated
by the fallback material.

The disk accretes once the angular momentum is ef-
fectively transported by e.g., magnetorotational instabil-
ity (MRI). Proga & Begelman (2003a,b) simulated accre-
tion of low angular momentum gas in a scenario quali-
tatively analogous to that considered here. They showed
that the MRI redistributes angular momentum during the
circularization, leading to dissipation which powers both
accretion and an outflow. In our scenario, the viscous
time of the disk is much shorter than the fallback time
scale. Thus, the accretion rate is essentially given by the
fallback rate (Eq. 2), which is typically larger than the
Eddington accretion rate, ṀEdd = 4πGMBH/cκ ∼ 1 ×

10−15 M⊙ s−1 (κ/0.2 cm2 g−1)−1(MBH/10M⊙). Note that
the opacity κ ∼ 0.1, 0.2 and 0.4 cm2 g−1 corresponds to
electron scattering for singly ionized helium, fully ionized
helium and hydrogen, respectively. The accretion rate is
also below the accretion rate at which there is significant
neutrino cooling (Chen & Beloborodov 2007). In this case,
one can expect a strong radiation-driven outflow from the
disk. Such outflows have been also confirmed by numeri-
cal simulations (Ohsuga et al. 2005; Sa̧dowski et al. 2014;
Jiang, Stone & Davis 2014).

We model the fallback disk outflow as follows. First,
a fraction fṀ < 1 of the accreting mass is loaded on the
outflow, Ṁout = fṀ × Ṁd or,

Ṁout ∼ 3× 10−6 M⊙ s−1

(

fṀ
0.1

)

(4)

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−3/2 ( MBH

10 M⊙

)1/2

.

Second, the outflow velocity is approximately the escape ve-
locity, v̄out ≈ (2GMBH/r0)

1/2, or

v̄out ∼ 1× 1010 cm s−1

(

fr
10

)−1/2

. (5)

Finally, we assume that the outflow is isotropic, although in
reality it will be moderately bipolar.

Next, let us describe the density and temperature profile
in the outflow, which are crucial for quantifying the electro-
magnetic emission. After the launch, the outflow expands
into the surrounding medium. For t ! tacc, the accretion
rate is almost constant, and the outflow is approximately
a steady wind. The density structure can be described as
ρ ≈ ρ0(r/r0)

−2, where ρ0 ≈ Ṁout/4πr
2
0v̄out, or

ρ0 ∼ 60 g cm−3

(
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)

×

(
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)(
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, (6)

is the density of the outflow at r = r0. Since the outflow
is initially highly optically thick, the temperature evolves
adiabatically, T ∝ ρ1/3 ∝ r−2/3, thus T ≈ T0(r/r0)

−2/3,
where T0 ≈ (Ṁoutvout/8πar

2
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1/4, or

T0 ∼ 8× 108 K

(
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)−5/8 (fṀ
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×

(
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We note that the gas temperature in the disk is Td ≈

f−1/4

Ṁ
T0 ! a few 109 K. In this case, heavy nuclei up to

at most O, Ne, and Mg can be synthesized inside the disk,
but not Fe group elements. Hence, there is no radioactivity
in the outflow. The above nuclear burning only occurs in the
inner most disk, where the enthalpy is likely larger than the
nuclear energy released, so that the nuclear reactions are not
dynamically important (Fernández & Metzger 2013).

At t " tacc, the accretion rate decreases significantly,
and the outflow essentially decouples from the disk. Then,
the outflow ejecta will expand in a homologous manner,
r/t ≈ v. The density profile of the homologous ejecta can be
described as

ρ ≈ ρ′0

(

t
tacc

)−3 (
v

vout,min

)−ξ

. (8)

We determine the normalization of the density by mass con-
servation,

∫ rmax

rmin
4πr2ρdr ≈ fṀMd, which yields

ρ′0 ∼ 4× 10−12 g cm−3

(
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)3/2 (fṀ
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×
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. (9)

Here, rmax ≈ vout,maxtacc, rmin ≈ vout,mintacc, vout,max =
fv,maxv̄out, and vout,min = fv,minv̄out. In this paper, we
choose fv,max " 1, fv,min ! 1, and ξ > 2 so as to sat-
isfy the energy conservation i.e.,

∫ rmax

rmin
(4πr2 × ρv2/2)dr ≈

fṀMdv̄out
2/2. We note that the internal energy of the shell

is subdominant at r ≈ rmin due to adiabatic cooling. To
obtain fout,max, fout,min, and ξ consistently, one has to per-
form numerical simulations, but the basic characteristics of
the optical emission are not so sensitive to these parame-
ters. We take fv,min = 0.7, fv,max = 1.4, and ξ = 3.75 as
fiducial choices. As long as the ejecta is almost adiabatic,
the temperature profile can be described as

T ≈ T ′
0

(

t
tacc

)−1 (
v

vout,min

)−ξ/3

. (10)
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malized via interaction with this ejecta (Dexter & Kasen
2013).

Once the SN shock stalls, the outer layers of the pro-
genitor fall back to the central BH. If the outer layers have
sufficient angular momentum, they form an equatorial torus
at the circularization radius,

r0 ≈ fr ×
2GMBH

c2
∼ 3× 107 cm

(

fr
10

)(

MBH

10 M⊙

)

. (1)

We focus on marginal cases in which the circularization ra-
dius is not much larger than the innermost circular orbit
of the BH (fr ∼ 10 − 100); we show below (Fig. 4) that
larger circularization radii likely lead to fainter more slowly
evolving transients. The fallback rate can be estimated as
Ṁd ≈ Md/tacc, or

Ṁd ∼ 3× 10−5 M⊙ s−1

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−3/2 ( MBH

10 M⊙

)1/2

, (2)

where tacc ≈ π(R∗
3/8GMBH)

1/2, or

tacc ∼ 3× 104 s

(

R∗

1012 cm

)3/2 (
MBH

10 M⊙

)−1/2

(3)

is the free fall timescale, R∗ is the radius of the outermost
layer, and Md is the total mass of the disk. The torus is op-
tically and geometrically thick, trapping the heat generated
by the fallback material.

The disk accretes once the angular momentum is ef-
fectively transported by e.g., magnetorotational instabil-
ity (MRI). Proga & Begelman (2003a,b) simulated accre-
tion of low angular momentum gas in a scenario quali-
tatively analogous to that considered here. They showed
that the MRI redistributes angular momentum during the
circularization, leading to dissipation which powers both
accretion and an outflow. In our scenario, the viscous
time of the disk is much shorter than the fallback time
scale. Thus, the accretion rate is essentially given by the
fallback rate (Eq. 2), which is typically larger than the
Eddington accretion rate, ṀEdd = 4πGMBH/cκ ∼ 1 ×

10−15 M⊙ s−1 (κ/0.2 cm2 g−1)−1(MBH/10M⊙). Note that
the opacity κ ∼ 0.1, 0.2 and 0.4 cm2 g−1 corresponds to
electron scattering for singly ionized helium, fully ionized
helium and hydrogen, respectively. The accretion rate is
also below the accretion rate at which there is significant
neutrino cooling (Chen & Beloborodov 2007). In this case,
one can expect a strong radiation-driven outflow from the
disk. Such outflows have been also confirmed by numeri-
cal simulations (Ohsuga et al. 2005; Sa̧dowski et al. 2014;
Jiang, Stone & Davis 2014).

We model the fallback disk outflow as follows. First,
a fraction fṀ < 1 of the accreting mass is loaded on the
outflow, Ṁout = fṀ × Ṁd or,

Ṁout ∼ 3× 10−6 M⊙ s−1

(

fṀ
0.1

)

(4)

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−3/2 ( MBH

10 M⊙

)1/2

.

Second, the outflow velocity is approximately the escape ve-
locity, v̄out ≈ (2GMBH/r0)

1/2, or

v̄out ∼ 1× 1010 cm s−1

(

fr
10

)−1/2

. (5)

Finally, we assume that the outflow is isotropic, although in
reality it will be moderately bipolar.

Next, let us describe the density and temperature profile
in the outflow, which are crucial for quantifying the electro-
magnetic emission. After the launch, the outflow expands
into the surrounding medium. For t ! tacc, the accretion
rate is almost constant, and the outflow is approximately
a steady wind. The density structure can be described as
ρ ≈ ρ0(r/r0)

−2, where ρ0 ≈ Ṁout/4πr
2
0v̄out, or

ρ0 ∼ 60 g cm−3

(
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10
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)

×

(
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)(
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10 M⊙
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is the density of the outflow at r = r0. Since the outflow
is initially highly optically thick, the temperature evolves
adiabatically, T ∝ ρ1/3 ∝ r−2/3, thus T ≈ T0(r/r0)

−2/3,
where T0 ≈ (Ṁoutvout/8πar

2
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1/4, or

T0 ∼ 8× 108 K

(
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)−3/8

.(7)

We note that the gas temperature in the disk is Td ≈

f−1/4

Ṁ
T0 ! a few 109 K. In this case, heavy nuclei up to

at most O, Ne, and Mg can be synthesized inside the disk,
but not Fe group elements. Hence, there is no radioactivity
in the outflow. The above nuclear burning only occurs in the
inner most disk, where the enthalpy is likely larger than the
nuclear energy released, so that the nuclear reactions are not
dynamically important (Fernández & Metzger 2013).

At t " tacc, the accretion rate decreases significantly,
and the outflow essentially decouples from the disk. Then,
the outflow ejecta will expand in a homologous manner,
r/t ≈ v. The density profile of the homologous ejecta can be
described as

ρ ≈ ρ′0

(

t
tacc

)−3 (
v

vout,min

)−ξ

. (8)

We determine the normalization of the density by mass con-
servation,

∫ rmax

rmin
4πr2ρdr ≈ fṀMd, which yields

ρ′0 ∼ 4× 10−12 g cm−3

(
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10

)3/2 (fṀ
0.1

)

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−9/2 ( MBH

10 M⊙

)3/2

. (9)

Here, rmax ≈ vout,maxtacc, rmin ≈ vout,mintacc, vout,max =
fv,maxv̄out, and vout,min = fv,minv̄out. In this paper, we
choose fv,max " 1, fv,min ! 1, and ξ > 2 so as to sat-
isfy the energy conservation i.e.,

∫ rmax

rmin
(4πr2 × ρv2/2)dr ≈

fṀMdv̄out
2/2. We note that the internal energy of the shell

is subdominant at r ≈ rmin due to adiabatic cooling. To
obtain fout,max, fout,min, and ξ consistently, one has to per-
form numerical simulations, but the basic characteristics of
the optical emission are not so sensitive to these parame-
ters. We take fv,min = 0.7, fv,max = 1.4, and ξ = 3.75 as
fiducial choices. As long as the ejecta is almost adiabatic,
the temperature profile can be described as

T ≈ T ′
0

(

t
tacc

)−1 (
v

vout,min

)−ξ/3

. (10)
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malized via interaction with this ejecta (Dexter & Kasen
2013).

Once the SN shock stalls, the outer layers of the pro-
genitor fall back to the central BH. If the outer layers have
sufficient angular momentum, they form an equatorial torus
at the circularization radius,

r0 ≈ fr ×
2GMBH

c2
∼ 3× 107 cm

(

fr
10

)(

MBH

10 M⊙

)

. (1)

We focus on marginal cases in which the circularization ra-
dius is not much larger than the innermost circular orbit
of the BH (fr ∼ 10 − 100); we show below (Fig. 4) that
larger circularization radii likely lead to fainter more slowly
evolving transients. The fallback rate can be estimated as
Ṁd ≈ Md/tacc, or

Ṁd ∼ 3× 10−5 M⊙ s−1

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−3/2 ( MBH

10 M⊙

)1/2

, (2)

where tacc ≈ π(R∗
3/8GMBH)

1/2, or

tacc ∼ 3× 104 s

(

R∗

1012 cm

)3/2 (
MBH

10 M⊙

)−1/2

(3)

is the free fall timescale, R∗ is the radius of the outermost
layer, and Md is the total mass of the disk. The torus is op-
tically and geometrically thick, trapping the heat generated
by the fallback material.

The disk accretes once the angular momentum is ef-
fectively transported by e.g., magnetorotational instabil-
ity (MRI). Proga & Begelman (2003a,b) simulated accre-
tion of low angular momentum gas in a scenario quali-
tatively analogous to that considered here. They showed
that the MRI redistributes angular momentum during the
circularization, leading to dissipation which powers both
accretion and an outflow. In our scenario, the viscous
time of the disk is much shorter than the fallback time
scale. Thus, the accretion rate is essentially given by the
fallback rate (Eq. 2), which is typically larger than the
Eddington accretion rate, ṀEdd = 4πGMBH/cκ ∼ 1 ×

10−15 M⊙ s−1 (κ/0.2 cm2 g−1)−1(MBH/10M⊙). Note that
the opacity κ ∼ 0.1, 0.2 and 0.4 cm2 g−1 corresponds to
electron scattering for singly ionized helium, fully ionized
helium and hydrogen, respectively. The accretion rate is
also below the accretion rate at which there is significant
neutrino cooling (Chen & Beloborodov 2007). In this case,
one can expect a strong radiation-driven outflow from the
disk. Such outflows have been also confirmed by numeri-
cal simulations (Ohsuga et al. 2005; Sa̧dowski et al. 2014;
Jiang, Stone & Davis 2014).

We model the fallback disk outflow as follows. First,
a fraction fṀ < 1 of the accreting mass is loaded on the
outflow, Ṁout = fṀ × Ṁd or,

Ṁout ∼ 3× 10−6 M⊙ s−1

(

fṀ
0.1

)

(4)

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−3/2 ( MBH

10 M⊙

)1/2

.

Second, the outflow velocity is approximately the escape ve-
locity, v̄out ≈ (2GMBH/r0)

1/2, or

v̄out ∼ 1× 1010 cm s−1

(

fr
10

)−1/2

. (5)

Finally, we assume that the outflow is isotropic, although in
reality it will be moderately bipolar.

Next, let us describe the density and temperature profile
in the outflow, which are crucial for quantifying the electro-
magnetic emission. After the launch, the outflow expands
into the surrounding medium. For t ! tacc, the accretion
rate is almost constant, and the outflow is approximately
a steady wind. The density structure can be described as
ρ ≈ ρ0(r/r0)

−2, where ρ0 ≈ Ṁout/4πr
2
0v̄out, or

ρ0 ∼ 60 g cm−3

(

fr
10

)−3/2 (fṀ
0.1

)

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−3/2 ( MBH

10 M⊙

)−3/2

, (6)

is the density of the outflow at r = r0. Since the outflow
is initially highly optically thick, the temperature evolves
adiabatically, T ∝ ρ1/3 ∝ r−2/3, thus T ≈ T0(r/r0)

−2/3,
where T0 ≈ (Ṁoutvout/8πar

2
0)

1/4, or

T0 ∼ 8× 108 K

(

fr
10

)−5/8 (fṀ
0.1

)1/4

×

(

Md
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)1/4 ( R∗

1012 cm

)−3/8 ( MBH

10 M⊙

)−3/8

.(7)

We note that the gas temperature in the disk is Td ≈

f−1/4

Ṁ
T0 ! a few 109 K. In this case, heavy nuclei up to

at most O, Ne, and Mg can be synthesized inside the disk,
but not Fe group elements. Hence, there is no radioactivity
in the outflow. The above nuclear burning only occurs in the
inner most disk, where the enthalpy is likely larger than the
nuclear energy released, so that the nuclear reactions are not
dynamically important (Fernández & Metzger 2013).

At t " tacc, the accretion rate decreases significantly,
and the outflow essentially decouples from the disk. Then,
the outflow ejecta will expand in a homologous manner,
r/t ≈ v. The density profile of the homologous ejecta can be
described as

ρ ≈ ρ′0

(

t
tacc

)−3 (
v

vout,min

)−ξ

. (8)

We determine the normalization of the density by mass con-
servation,

∫ rmax

rmin
4πr2ρdr ≈ fṀMd, which yields

ρ′0 ∼ 4× 10−12 g cm−3

(

fr
10

)3/2 (fṀ
0.1

)

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−9/2 ( MBH

10 M⊙

)3/2

. (9)

Here, rmax ≈ vout,maxtacc, rmin ≈ vout,mintacc, vout,max =
fv,maxv̄out, and vout,min = fv,minv̄out. In this paper, we
choose fv,max " 1, fv,min ! 1, and ξ > 2 so as to sat-
isfy the energy conservation i.e.,

∫ rmax

rmin
(4πr2 × ρv2/2)dr ≈

fṀMdv̄out
2/2. We note that the internal energy of the shell

is subdominant at r ≈ rmin due to adiabatic cooling. To
obtain fout,max, fout,min, and ξ consistently, one has to per-
form numerical simulations, but the basic characteristics of
the optical emission are not so sensitive to these parame-
ters. We take fv,min = 0.7, fv,max = 1.4, and ξ = 3.75 as
fiducial choices. As long as the ejecta is almost adiabatic,
the temperature profile can be described as

T ≈ T ′
0

(

t
tacc

)−1 (
v

vout,min

)−ξ/3

. (10)
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malized via interaction with this ejecta (Dexter & Kasen
2013).

Once the SN shock stalls, the outer layers of the pro-
genitor fall back to the central BH. If the outer layers have
sufficient angular momentum, they form an equatorial torus
at the circularization radius,

r0 ≈ fr ×
2GMBH

c2
∼ 3× 107 cm

(

fr
10

)(

MBH

10 M⊙

)

. (1)

We focus on marginal cases in which the circularization ra-
dius is not much larger than the innermost circular orbit
of the BH (fr ∼ 10 − 100); we show below (Fig. 4) that
larger circularization radii likely lead to fainter more slowly
evolving transients. The fallback rate can be estimated as
Ṁd ≈ Md/tacc, or

Ṁd ∼ 3× 10−5 M⊙ s−1

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−3/2 ( MBH

10 M⊙

)1/2

, (2)

where tacc ≈ π(R∗
3/8GMBH)

1/2, or

tacc ∼ 3× 104 s

(

R∗

1012 cm

)3/2 (
MBH

10 M⊙

)−1/2

(3)

is the free fall timescale, R∗ is the radius of the outermost
layer, and Md is the total mass of the disk. The torus is op-
tically and geometrically thick, trapping the heat generated
by the fallback material.

The disk accretes once the angular momentum is ef-
fectively transported by e.g., magnetorotational instabil-
ity (MRI). Proga & Begelman (2003a,b) simulated accre-
tion of low angular momentum gas in a scenario quali-
tatively analogous to that considered here. They showed
that the MRI redistributes angular momentum during the
circularization, leading to dissipation which powers both
accretion and an outflow. In our scenario, the viscous
time of the disk is much shorter than the fallback time
scale. Thus, the accretion rate is essentially given by the
fallback rate (Eq. 2), which is typically larger than the
Eddington accretion rate, ṀEdd = 4πGMBH/cκ ∼ 1 ×

10−15 M⊙ s−1 (κ/0.2 cm2 g−1)−1(MBH/10M⊙). Note that
the opacity κ ∼ 0.1, 0.2 and 0.4 cm2 g−1 corresponds to
electron scattering for singly ionized helium, fully ionized
helium and hydrogen, respectively. The accretion rate is
also below the accretion rate at which there is significant
neutrino cooling (Chen & Beloborodov 2007). In this case,
one can expect a strong radiation-driven outflow from the
disk. Such outflows have been also confirmed by numeri-
cal simulations (Ohsuga et al. 2005; Sa̧dowski et al. 2014;
Jiang, Stone & Davis 2014).

We model the fallback disk outflow as follows. First,
a fraction fṀ < 1 of the accreting mass is loaded on the
outflow, Ṁout = fṀ × Ṁd or,

Ṁout ∼ 3× 10−6 M⊙ s−1

(

fṀ
0.1

)

(4)

×

(
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)(

R∗
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)−3/2 ( MBH

10 M⊙

)1/2

.

Second, the outflow velocity is approximately the escape ve-
locity, v̄out ≈ (2GMBH/r0)

1/2, or

v̄out ∼ 1× 1010 cm s−1

(

fr
10

)−1/2

. (5)

Finally, we assume that the outflow is isotropic, although in
reality it will be moderately bipolar.

Next, let us describe the density and temperature profile
in the outflow, which are crucial for quantifying the electro-
magnetic emission. After the launch, the outflow expands
into the surrounding medium. For t ! tacc, the accretion
rate is almost constant, and the outflow is approximately
a steady wind. The density structure can be described as
ρ ≈ ρ0(r/r0)

−2, where ρ0 ≈ Ṁout/4πr
2
0v̄out, or

ρ0 ∼ 60 g cm−3

(
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×
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)(
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, (6)

is the density of the outflow at r = r0. Since the outflow
is initially highly optically thick, the temperature evolves
adiabatically, T ∝ ρ1/3 ∝ r−2/3, thus T ≈ T0(r/r0)

−2/3,
where T0 ≈ (Ṁoutvout/8πar

2
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1/4, or

T0 ∼ 8× 108 K

(
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×

(
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.(7)

We note that the gas temperature in the disk is Td ≈

f−1/4

Ṁ
T0 ! a few 109 K. In this case, heavy nuclei up to

at most O, Ne, and Mg can be synthesized inside the disk,
but not Fe group elements. Hence, there is no radioactivity
in the outflow. The above nuclear burning only occurs in the
inner most disk, where the enthalpy is likely larger than the
nuclear energy released, so that the nuclear reactions are not
dynamically important (Fernández & Metzger 2013).

At t " tacc, the accretion rate decreases significantly,
and the outflow essentially decouples from the disk. Then,
the outflow ejecta will expand in a homologous manner,
r/t ≈ v. The density profile of the homologous ejecta can be
described as

ρ ≈ ρ′0

(

t
tacc

)−3 (
v

vout,min

)−ξ

. (8)

We determine the normalization of the density by mass con-
servation,

∫ rmax

rmin
4πr2ρdr ≈ fṀMd, which yields

ρ′0 ∼ 4× 10−12 g cm−3

(
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10

)3/2 (fṀ
0.1

)

×

(

Md

1 M⊙

)(

R∗

1012 cm

)−9/2 ( MBH
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)3/2

. (9)

Here, rmax ≈ vout,maxtacc, rmin ≈ vout,mintacc, vout,max =
fv,maxv̄out, and vout,min = fv,minv̄out. In this paper, we
choose fv,max " 1, fv,min ! 1, and ξ > 2 so as to sat-
isfy the energy conservation i.e.,

∫ rmax

rmin
(4πr2 × ρv2/2)dr ≈

fṀMdv̄out
2/2. We note that the internal energy of the shell

is subdominant at r ≈ rmin due to adiabatic cooling. To
obtain fout,max, fout,min, and ξ consistently, one has to per-
form numerical simulations, but the basic characteristics of
the optical emission are not so sensitive to these parame-
ters. We take fv,min = 0.7, fv,max = 1.4, and ξ = 3.75 as
fiducial choices. As long as the ejecta is almost adiabatic,
the temperature profile can be described as

T ≈ T ′
0

(

t
tacc

)−1 (
v

vout,min

)−ξ/3

. (10)
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malized via interaction with this ejecta (Dexter & Kasen
2013).

Once the SN shock stalls, the outer layers of the pro-
genitor fall back to the central BH. If the outer layers have
sufficient angular momentum, they form an equatorial torus
at the circularization radius,

r0 ≈ fr ×
2GMBH

c2
∼ 3× 107 cm

(

fr
10

)(

MBH

10 M⊙

)

. (1)

We focus on marginal cases in which the circularization ra-
dius is not much larger than the innermost circular orbit
of the BH (fr ∼ 10 − 100); we show below (Fig. 4) that
larger circularization radii likely lead to fainter more slowly
evolving transients. The fallback rate can be estimated as
Ṁd ≈ Md/tacc, or

Ṁd ∼ 3× 10−5 M⊙ s−1

×

(

Md
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)(
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10 M⊙
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, (2)

where tacc ≈ π(R∗
3/8GMBH)

1/2, or

tacc ∼ 3× 104 s
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)3/2 (
MBH

10 M⊙

)−1/2

(3)

is the free fall timescale, R∗ is the radius of the outermost
layer, and Md is the total mass of the disk. The torus is op-
tically and geometrically thick, trapping the heat generated
by the fallback material.

The disk accretes once the angular momentum is ef-
fectively transported by e.g., magnetorotational instabil-
ity (MRI). Proga & Begelman (2003a,b) simulated accre-
tion of low angular momentum gas in a scenario quali-
tatively analogous to that considered here. They showed
that the MRI redistributes angular momentum during the
circularization, leading to dissipation which powers both
accretion and an outflow. In our scenario, the viscous
time of the disk is much shorter than the fallback time
scale. Thus, the accretion rate is essentially given by the
fallback rate (Eq. 2), which is typically larger than the
Eddington accretion rate, ṀEdd = 4πGMBH/cκ ∼ 1 ×

10−15 M⊙ s−1 (κ/0.2 cm2 g−1)−1(MBH/10M⊙). Note that
the opacity κ ∼ 0.1, 0.2 and 0.4 cm2 g−1 corresponds to
electron scattering for singly ionized helium, fully ionized
helium and hydrogen, respectively. The accretion rate is
also below the accretion rate at which there is significant
neutrino cooling (Chen & Beloborodov 2007). In this case,
one can expect a strong radiation-driven outflow from the
disk. Such outflows have been also confirmed by numeri-
cal simulations (Ohsuga et al. 2005; Sa̧dowski et al. 2014;
Jiang, Stone & Davis 2014).

We model the fallback disk outflow as follows. First,
a fraction fṀ < 1 of the accreting mass is loaded on the
outflow, Ṁout = fṀ × Ṁd or,
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fṀ
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Second, the outflow velocity is approximately the escape ve-
locity, v̄out ≈ (2GMBH/r0)

1/2, or

v̄out ∼ 1× 1010 cm s−1

(

fr
10

)−1/2

. (5)

Finally, we assume that the outflow is isotropic, although in
reality it will be moderately bipolar.

Next, let us describe the density and temperature profile
in the outflow, which are crucial for quantifying the electro-
magnetic emission. After the launch, the outflow expands
into the surrounding medium. For t ! tacc, the accretion
rate is almost constant, and the outflow is approximately
a steady wind. The density structure can be described as
ρ ≈ ρ0(r/r0)
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2
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is the density of the outflow at r = r0. Since the outflow
is initially highly optically thick, the temperature evolves
adiabatically, T ∝ ρ1/3 ∝ r−2/3, thus T ≈ T0(r/r0)
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We note that the gas temperature in the disk is Td ≈

f−1/4

Ṁ
T0 ! a few 109 K. In this case, heavy nuclei up to

at most O, Ne, and Mg can be synthesized inside the disk,
but not Fe group elements. Hence, there is no radioactivity
in the outflow. The above nuclear burning only occurs in the
inner most disk, where the enthalpy is likely larger than the
nuclear energy released, so that the nuclear reactions are not
dynamically important (Fernández & Metzger 2013).

At t " tacc, the accretion rate decreases significantly,
and the outflow essentially decouples from the disk. Then,
the outflow ejecta will expand in a homologous manner,
r/t ≈ v. The density profile of the homologous ejecta can be
described as
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. (8)

We determine the normalization of the density by mass con-
servation,
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fṀMdv̄out
2/2. We note that the internal energy of the shell

is subdominant at r ≈ rmin due to adiabatic cooling. To
obtain fout,max, fout,min, and ξ consistently, one has to per-
form numerical simulations, but the basic characteristics of
the optical emission are not so sensitive to these parame-
ters. We take fv,min = 0.7, fv,max = 1.4, and ξ = 3.75 as
fiducial choices. As long as the ejecta is almost adiabatic,
the temperature profile can be described as
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tically and geometrically thick, trapping the heat generated
by the fallback material.
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tion of low angular momentum gas in a scenario quali-
tatively analogous to that considered here. They showed
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circularization, leading to dissipation which powers both
accretion and an outflow. In our scenario, the viscous
time of the disk is much shorter than the fallback time
scale. Thus, the accretion rate is essentially given by the
fallback rate (Eq. 2), which is typically larger than the
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one can expect a strong radiation-driven outflow from the
disk. Such outflows have been also confirmed by numeri-
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Ṁout ∼ 3× 10−6 M⊙ s−1

(

fṀ
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Ṁ
T0 ! a few 109 K. In this case, heavy nuclei up to

at most O, Ne, and Mg can be synthesized inside the disk,
but not Fe group elements. Hence, there is no radioactivity
in the outflow. The above nuclear burning only occurs in the
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Schematic picture
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The Inner core is directly swallowed 
  by the central black hole.  !

Fallback Disk Outflow

Fast Luminous Blue Transient

The outermost layers have 
sufficient angular momentum 
to form a disk.  !

Figure 1. Schematic picture of failed supernova model for fast luminous blue transients.

2 DIVERSITY OF BLACK HOLE FORMATION

Stellar-mass BHs are predominately formed in the core
collapse of massive stars. For stars with zero-age-main-
sequence (ZAMS) masses of ! 10M⊙, the iron core collapses
once its mass exceeds the Chandrasekhar limit, forming a
proto-NS. The proto-NS cools via intense neutrino emission
of ∼ 1053 erg, which is believed to ultimately power the
SN explosion, at least in some progenitors (e.g., O’Connor
& Ott 2011; Ugliano et al. 2012; Horiuchi et al. 2014; Pe-
jcha & Thompson 2015). If, however, the accretion shock
onto the proto-NS stalls and never reverses to unbind the
stellar envelope, the continued accretion eventually leads
the proto-NS to collapse into a BH. We are interested in
the latter case in this paper. Even in this case, however, if
the progenitor is a RSG, the change in core mass associ-
ated with neutrino radiation leads to a weak shock prop-
agating out through the stellar envelope that unbinds ∼ a
few M⊙ of the envelope with a relatively small velocity of
∼ 100 km s−1 (Nadezhin 1980; Lovegrove & Woosley 2013).
The weak shock also heats up the ejecta, leading to a slow
red transient lasting for ∼ 100 days with a bolometric lumi-
nosity of ∼ 1040 erg s−1.

WR or BSG progenitors have steeper density gradients
and more tightly bound envelopes than RSGs. As a result, it
is likely that there is much less mass lost in quasi-spherical
ejecta as a response to the neutrino radiation of the proto-
NS binding energy (though this remains to be demonstrated
by detailed calculations). If there is BH formation associated
with the failed explosion of WR or BSG progenitors, such
events may thus have little electromagnetic signature in the
absence of significant rotation. In the presence of signifi-
cant angular momentum, however, the accretion disk that
forms during collapse can power electromagnetic emission
that would accompany BH formation in nominally failed
explosions.

WR or BSG progenitors with significant angular mo-
mentum are also the leading progenitors for long-duration
(and ultra-long duration) gamma-ray bursts (GRBs) (e.g.,
MacFadyen & Woosley 1999; Kashiyama et al. 2013). These
are observationally associated with robust, energetic ex-

plosions (e.g., Woosley & Bloom 2006). It is not guaran-
teed, however, that every, or even the majority of, WR or
BSG progenitors with significant angular momentum pro-
duce successful GRBs. The relativistic jets that pro-
duce GRBs are considered to be powered by a hy-
per accreting disk, which is formed from a rapidly
rotating inner core of the progenitor, say < 1010 cm
in the case of WR progenitors. For this to occur,
the angular momentum transport from the core to
the outer layers needs to be suppressed during the
stellar evolution. Moreover, the GRB jets may require
large-scale magnetic flux in the stellar progenitor as well
as rapid rotation (Tchekhovskoy & Giannios 2014). Since
large-scale magnetic flux tends to slow down the rotation of
the core during stellar evolution, it could be that the com-
bination of conditions required to produce luminous GRBs
is somewhat rare.

In this paper, we consider the electromagnetic
counterpart of collapse in which the bulk of the
progenitor directly accretes onto the BH, and only
the outer most layers can form a fallback disk (see
Fig. 1). We focus on the fallback disk outflow and
the cooling emission in the course of its expansion,
which can be seen directly by observers.1 This situ-
ation can be realized e.g., for WRs in close binaries
or BSGs with little mass loss during stellar evolu-
tion (Woosley & Heger 2012). Note that some RSGs
may also lead to“failed” explosions. However, in this
case, spherical mass ejection of ∼ a few M⊙ driven
by the neutrino mass loss is more probable, and the
disk outflows predicted here are likely hidden by this
ejecta. Any electromagnetic source associated with
the fallback disk would be powered by the kinetic en-
ergy of the outflow thermalized via interaction with
this ejecta (Dexter & Kasen 2013). We argue that an

1 Similar emission has been discussed in the context of fall-
back accretion disk in tidal disruption of stars by super-massive
BHs (Strubbe & Quataert 2009, 2011) and of NSs in NS-BH bi-
naries (Rossi & Begelman 2009).
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Figure 3. Absolute AB magnitude of fallback disk outflow emis-
sion. The thick and thin curves show the NUV and R band magni-
tude, and the solid red and dotted-dash blue curves represents our
fiducial model of Wolf-Rayet (WR) and blue supergiants (BSG)
(Table 1), respectively. Note that t = 0 corresponds to the initial
launching of the outflow.
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Figure 4. Absolute R-band magnitude of fallback disk out-
flow emission from blue supergiants (BSG). Each curve corre-
sponds to different outflow launching radius, fr = 10, 30, and
100, which corresponds to a different outflow speed in our model,
v̄out ∼ 0.32, 0.18, 0.10c, respectively (Eqs. 1 and 5). Other model
parameters are the same as in Table 1.

their lives. The interaction with matter ejected prior to core
collapse can alter the dynamics of the outflow and the result-
ing emission characteristics. In particular, if the progenitor
experiences an intense mass loss of Ṁw ! 0.01 M⊙ yr−1 a
few years before the collapse, a comparable mass to that of
the disk outflow (! 0.1 M⊙) is distributed within the emis-
sion radius (" 1015−16 cm) given the typical wind velocity
of WRs and BSGs, vw ∼ 103 km s−1 (e.g., Crowther 2001),
and the fallback disk outflow will be hidden by the previ-
ously ejected matter. On the other hand, for an observed
typical mass loss rate of WRs and BSGs, Ṁw ∼ 10−5 yr−1,
the effects of the previously ejected matter will not be sig-
nificant.

4 DISCUSSION

Using a simple analytic model, we have calculated the fall-
back disk outflow emission from the formation of BHs in oth-
erwise failed supernova explosions. Fallback disks power out-
flows whose emission can be observed as a rapidly-evolving
(∼ a few days) luminous (∼ 1042−43 erg s−1) blue (T ∼

104 K) transient. This outflow can be observed only when it
is not enshrouded by a quasi-spherical explosion. This likely
requires compact progenitors, like WRs and BSGs, which
have tightly bound envelopes so that the neutrino radiation
of the proto-NS binding energy would not lead to significant
mass ejection. Our simplified treatments of e.g., the fallback
disk formation, the (thermo-)dynamics of the outflow, and
the transfer of the cooling radiation, need to be followed up
by more detailed numerical studies.

In the last decade, a growing number of fast
transients have been detected by high-cadence
surveys e.g., Pan-STARRS (Hodapp et al. 2004),
PTF (Law et al. 2009), ASAS-SN (Shappee et al. 2014),
and LOSS (Filippenko et al. 2001). For example, the
Pan-STARRS1 Medium Deep Survey (PS1-MDS) recently
reported a new class of optical transient, which have peak
bolometric luminosities of ∼ 1042−44 erg s−1 and shorter
decline timescales (< 15 days) than any type of conventional
SNe (Drout et al. 2014). The spectra can be fitted by blue
continua with a temperature of ∼ (1-3) × 104 K, and the
lack of UV line blanketing in the spectra imply that the
main energy source is not the radioactive decay of 56Ni.
These emission characteristics are broadly consistent with
the fallback disk outflow emission from compact progenitors
with R∗ ∼ 1012 cm and Md ∼ a few M⊙ (see Eqs. 24,
26, and 27). The host galaxies of the PS1-MDS transients
are star-forming galaxies, which is also consistent with our
scenario. The observed rate of the PS1-MDS transients is
4-7 % of core-collapse SN rate at z = 0.2 (cf., the rate of
type Ibc SN is 26 % of core-collapse SN rate: Smith et al.
2011). In our scenario, this would indicate that fallback disk
formation is relatively common in the collapse of WRs and
BSGs, as theoretically expected (Woosley & Heger 2012;
Perna et al. 2014). We caution, however, that there are
likely multiple classes of fast blue transients. For example,
similar fast transients also have been detected by PTF (PTF
09uj; Ofek et al. 2010). Narrow line features observed in
PTF 09uj suggest a dense circumstellar envelope surround-
ing the photon-emitting shell, which is inconsistent with
our scenario. Shock breakout from an extended envelope
and/or wind is a more plausible explanation.

In our model, the optical-UV emission is powered by
thermal energy generated in the accretion disk close to the
central black hole. The composition of the outflow in turn
depends on the temperature reached as the disk circular-
izes at small radii (Eq. 7). For typical parameters, this is
T0 ∼ 108−9 K indicating that much of the ejecta will be
processed to C, O, Ne, and Mg, but not heavier elements.
Hydrogen and helium may be present depending on the ini-
tial composition of the star and the efficiency with which
the disk-powered outflow entrains infalling material. Our
default calculations (Figs. 2 and 3) are for fallback disks
that circularize at r ∼ 10 × GMBH/c

2 and produce out-
flow velocities of ∼ 100, 000 km/s, which would lead to very
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where T ′
0 ≈ T0(ρ′0/ρ0)

1/3, or

T ′
0 ∼ 3× 104 K

(

fr
10

)3/8 (fṀ
0.1

)1/4

×

(

Md

1 M⊙

)1/4 (
R∗

1012 cm

)−11/8 (
MBH

10 M⊙

)5/8

.(11)

We now estimate the electromagnetic emission from the
outflow. As the outflow expands, the photons diffusively
come out from the diffusion radius, rdif , which is defined
by the radius where the diffusion time of the photon is com-
parable to the expansion time of the outflow, i.e., t = tdif ,
where

tdif = τ
∆r
c

, (12)

τ =

∫ rmax

rdif

κρdr, (13)

is the optical depth, and

∆r = rmax − rdif (14)

is the diffusion width. For each t, one can calculate rdif and
∆r from Eqs. (12-14) (Kisaka, Ioka & Takami 2014).2 The
emission is approximately thermal with a temperature of
Tobs at r = rdif . The bolometric luminosity of the emission
is thus given by

Lbol ≈ 4πaT 4
obsr

2
dif

∆r
t
. (15)

The evolution of the emission as a function of time can
be approximately described as follows. Just after the out-
flow is launched, photons only come out from a thin outer
layer of the expanding wind profile, and the diffusion radius
effectively coincides with the outer edge;

rdif ≈ v̄outt. (16)

In this case, from Eqs. (12-14), the diffusion width is ap-
proximately given by

∆r ≈

√

ct
κρ(rdif)

∝ t3/2. (17)

Note that ρ(rdif) ∝ r−2
dif ∝ t−2 in this phase. The tempera-

ture and bolometric luminosity evolve as

Tobs ≈ T0

(

rdif
r0

)−2/3

∝ t−2/3, (18)

and

Lbol ∝ t−1/6, (19)

respectively. The homologous expansion sets in at t ≈ tacc,
which is ! a day for our fiducial parameters (Eq. 3). Then,
one has to consider photon diffusion in the density profile of
Eq. (8). In our case, the diffusion radius initially practically
coincides with the outer edge at t ≈ tacc;

rdif ≈ vout,maxt, (20)

2 We set vout,max = 2vout,min. In this case, the thick diffusion
phase in the homologous shell discussed in Kisaka, Ioka & Takami
(2014) does not appear.

and the diffusion width can be described as

∆r ≈

√

ct
κρ(rdif)

∝ t2. (21)

Now ρ(rdif) ∝ rdif
−3

∝ t−3. Accordingly, the observed tem-
perature and bolometric luminosity evolve as

Tobs ∝ t−1, (22)

Lbol ∝ t−1. (23)

The energy diffuses throughout the entire homologous shell
when rdif ≈ rmin, i.e.,

tp ≈

√

κρ′0t
3
accv2out,min

c
×

√

1− (fv,max/fv,min)1−ξ

ξ − 1

∼ 1.1 days

(

fr
10

)1/4 (fṀ
0.1

)1/2

×

(

Md

1M⊙

)1/2 ( κ
0.2 cm2 g−1

)1/2

. (24)

The observed emission radius, temperature, and bolometric
luminosity at t = tp can be estimated as

rdif,p ≈ vout,mintp

∼ 6× 1014 cm

(

fr
10

)−1/4 (fṀ
0.1

)1/2

×

(

Md

1M⊙

)1/2 ( κ
0.2 cm2 g−1

)1/2

, (25)

Tobs,p ≈ T ′
0

(

tp
tacc

)−1

∼ 1× 104 K

(

fr
10

)1/8 (fṀ
0.1

)−1/4

×

(

Md

1M⊙

)−1/4 (
R∗

1012 cm

)1/8 (
MBH

10M⊙

)1/8

×

(

κ
0.2 cm2 g−1

)−1/2

, (26)

Lbol,p ≈
4πaT 4

obs,pr
3
dif,p

tp

∼ 2× 1042 erg s−1

(

fr
10

)−1/2

×

(

R∗

1012 cm

)1/2 (
MBH

10M⊙

)1/2

×

(

κ
0.2 cm2 g−1

)−1

, (27)

respectively. We note that tp does not depend on R∗, and
on the other hand, Lbol,p does not depend on Md. In ad-
dition, Tobs,p depends only weakly on parameters (Eq. 26).
Moreover, it is ∼ 104 K so that optical emission will peak
soon after tp. Eq. (27) can be written in an intuitive form,

Lbol,p ≈ C ×Eint,0

(

v̄outtacc
r0

)−2/3 ( tp
tacc

)−1 1
tp

(28)

where Eint,0 = fṀMd/ρ0 × aT 4
0 is the initial inter-

nal energy of the outflow and C = (1/fv,min) × [(3 −
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The PS1-MDS Transients 
Drout+14Pan-STARRS1 Medium Deep Survey (PS1-MDS) for Rapidly Evolving and Luminous Transients

The Astrophysical Journal, 794:23 (23pp), 2014 October 10 Drout et al.

Figure 1. PS1 absolute magnitude, rest-frame, light curves for gold sample transients. Circles represent grizP1 detections and triangles represent 3σ upper limits.
Vertical dashed lines indicate epochs when spectroscopic observations were acquired. The gray shaded region is the R-band Type Ibc template from Drout et al. (2011),
normalized to the peak magnitude of the PS1-MDS transient.
(A color version of this figure is available in the online journal.)

Figure 2. Same as Figure 1 for silver sample objects.
(A color version of this figure is available in the online journal.)

Figure 3. PS1 apparent magnitude, observer-frame, light curves for our bronze (non-spectroscopic) sample. Symbols have the same meaning as Figure 1.
(A color version of this figure is available in the online journal.)

epoch of r-band imaging for PS1-13ess with Magellan IMACS.
This additional photometry was obtained at +2, +45 and +12
rest-frame days for the three objects, respectively. The images
were processed using standard tasks in IRAF19 and calibrated
using PS1 magnitudes of field stars. We subtracted contributions
from the host galaxies using PS1 template images and the ISIS
software package as described in Chornock et al. (2013). These

19 IRAF is distributed by the National Optical Astronomy Observatory, which
is operated by the Association for Research in Astronomy, Inc. under
cooperative agreement with the National Science Foundation.

points are also shown (squares) in Figures 1 and 2, and listed in
Table 2.

2.5. Galaxy Photometry

For our entire sample we compile griz-band photometry for
any underlying galaxy/source. When possible, we utilize the
SDSS DR9 Petrosian magnitudes, which account for galaxy
morphology. For cases where the underlying galaxy/source was
too faint for a high signal-to-noise SDSS detection, we perform
aperture photometry on the PS1 deep template images, choosing

4

ü t1/2  < 12 day --- rapidly evolving than any SN type
ü Lpeak ~ 1042-43 erg s-1 --- luminous as bright SNe
ü Tpeak ~ a few 104 K --- blue
ü No line blanketing --- not powered by the radioactive decay
ü Host Gal. = star forming Gal. --- related to massive stars 
ü Event rate ~ 4-7 % of core-collapse SN --- not rare



The afterglow

2 K. Kashiyama, E. Quataert

The Inner core is directly swallowed 
  by the central black hole.  !

Fallback Disk Outflow

Fast Luminous Blue Transient

The outermost layers have 
sufficient angular momentum 
to form a disk.  !

Figure 1. Schematic picture of failed supernova model for fast luminous blue transients.

2 DIVERSITY OF BLACK HOLE FORMATION

Stellar-mass BHs are predominately formed in the core
collapse of massive stars. For stars with zero-age-main-
sequence (ZAMS) masses of ! 10M⊙, the iron core col-
lapses once its mass exceeds the Chandrasekhar limit, form-
ing a proto-NS. The proto-NS cools via intense neutrino
emission of ∼ 1053 erg, which is believed to ultimately
power the SN explosion, at least in some progenitors (e.g.,
O’Connor & Ott 2011; Ugliano et al. 2012; Horiuchi et al.
2014; Pejcha & Thompson 2015). If, however, the accretion
shock onto the proto-NS stalls and never reverses to un-
bind the stellar envelope, the continued accretion eventually
leads the proto-NS to collapse into a BH. We are interested
in the latter case in this paper. Even in this case, however,
if the progenitor is a RSG, the change in core mass asso-
ciated with neutrino radiation leads to a weak shock prop-
agating out through the stellar envelope that unbinds ∼ a
few M⊙ of the envelope with a relatively small velocity of
∼ 100 km s−1 (Nadezhin 1980; Lovegrove & Woosley 2013).
The weak shock also heats up the ejecta, leading to a slow
red transient lasting for ∼ 100 days with a bolometric lumi-
nosity of ∼ 1040 erg s−1.

WR or BSG progenitors have steeper density gradients
and more tightly bound envelopes than RSGs. As a result, it
is likely that there is much less mass lost in quasi-spherical
ejecta as a response to the neutrino radiation of the proto-
NS binding energy (though this remains to be demonstrated
by detailed calculations). If there is BH formation associated
with the failed explosion of WR or BSG progenitors, such
events may thus have little electromagnetic signature in the
absence of significant rotation. In the presence of signifi-
cant angular momentum, however, the accretion disk that
forms during collapse can power electromagnetic emission
that would accompany BH formation in nominally failed
explosions.

WR or BSG progenitors with significant angular mo-
mentum are also the leading progenitors for long-duration
(and ultra-long duration) gamma-ray bursts (GRBs) (e.g.,
MacFadyen & Woosley 1999; Kashiyama et al. 2013). These
are observationally associated with robust, energetic ex-

plosions (e.g., Woosley & Bloom 2006). It is not guar-
anteed, however, that every, or even the majority of,
WR or BSG progenitors with significant angular momen-
tum produce successful GRBs. For example, the power-
ful jets that produce GRBs may require large-scale mag-
netic flux in the stellar progenitor as well as rapid ro-
tation (Tchekhovskoy & Giannios 2014). Since large-scale
magnetic flux tends to slow down the rotation of the core
during stellar evolution, it could be that the combination of
conditions required to produce luminous GRBs is somewhat
rare. In this paper, we argue that an alternative electro-
magnetic counterpart associated with BH formation during
the collapse of rapidly rotating WR or BSG progenitors is a
fast luminous UV-optical transient broadly similar to some
events discovered by Pan-STARRs and PTF in the last ∼ 5
years (Drout et al. 2014).

3 FAST LUMINOUS BLUE TRANSIENTS

Hereafter, we consider the electromagnetic counterpart of
collapse in which the bulk of the progenitor directly accretes
onto the BH, and the outer most layers can form a fallback
disk (see Fig. 1). We focus on the fallback disk outflow and
the cooling emission in the course of its expansion, which
can be seen directly by observers.1 This situation can be
realized e.g., for WRs in close binaries or BSGs with little
mass loss during stellar evolution (Woosley & Heger 2012).
Note that some RSGs may also lead to“failed” explosions.
However, in this case, spherical mass ejection of ∼ a few M⊙

driven by the neutrino mass loss is more probable, and the
disk outflows predicted here are likely hidden by this ejecta.
Any electromagnetic source associated with the fallback disk
would be powered by the kinetic energy of the outflow ther-

1 Similar emission has been discussed in the context of fall-
back accretion disk in tidal disruption of stars by super-massive
BHs (Strubbe & Quataert 2009, 2011) and of NSs in NS-BH bi-
naries (Rossi & Begelman 2009).
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Decelerating disk outflow à Shock acceleration à Electron synchrotron emission
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Radio counterparts

KK, Hotokezaka, Murase in prep
ü Detectable by on-going and future surveys up to z > 1
ü Good probe of collapsar environment 

4 K. Kashiyama, K. Hotokezaka, and K. Murase
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Figure 1. Radio counterpart of a massive black hole formation

with fallback disk. The model parameters are set as in Table 1.
The black lines show the light curves of di↵erent bands and the

red line indicates a flux level corresponding to an observed flux
of 0.1 mJy from a source at 300 Mpc.
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Figure 2. 1 and 10 GHz light curves of massive black hole for-

mation with fallback disk. The model parameters are the same as
Fig. 1 except for the velocity of disk outflow.

newborn BHs depending on the progenitor structure. Fig.
2 shows the dependence of the radio emission on the out-
flow velocity. We fix other parameters as in Fig. 1. A faster
outflow, which can be launched from an inner radius of the
fallback disk, can give a significantly larger peak flux. This
is simply because that a faster outflow results in a larger
energy dissipation rate at the shock. On the other hand, the
peak time does not change much depending on vout, which
is mainly due to that the SSA frequency is relatively insen-
sitive to vout.

Fig. 3 shows the dependence of the radio emission on
the outflow mass. Again we fix other parameters as in Fig. 1.
A larger outflow mass corresponds to a larger fallback disk
mass. For a su�ciently large outflow mass, the peak time
and flux are determined by SSA as in Fig. 1. On the other
hand, for a smaller outflow mass, the deceleration of the
ejecta sets in before the SSA peak, i.e., tdec < tsa, especially
for a lower frequency band. In this case, the peak of the
light curve comes earlier and the peak flux becomes smaller.
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Figure 3. 1 and 10 GHz light curve of a massive black hole

formation with fallback disk. The model parameters are the same
as Fig. 1 except for the total mass of disk outflow.
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Figure 4. 1 and 10 GHz light curve of a massive black hole

formation with fallback disk. The model parameters are the same

as Fig. 1 except for the wind mass loss rate of progenitor star.

By detecting such features, one can constrain the outflow
mass from newborn BHs. To this end, a multi-band radio
observation is crucial.

Radio counterpart of fallback disk outflow is also sensi-
tive to the ambient density structure. Fig. 4 shows 1 and 10
GHz radio light curves with di↵erent wind mass loss rates.
A larger mass loss rate results in a denser wind medium.
Then, a larger energy is shock dissipated at a fixed radius
and the peak luminosity also becomes larger. On the other
hand, the SSA optical depth becomes large, thus the peaks
of light curve are delayed. We note that the mass loss rate of
massive star is still uncertain especially in the pre-collapse
phase and of great interest in the context of massive stellar
evolution. In general, followup observations for a decade can
probe the ambient density structure of the BH progenitor up
to ⇠ pc. Fig. 5 shows a longer time evolution of a case with a
relatively low wind mass loss rate. In such cases, the outflow
is injected into the surrounding interstellar medium without
significant deceleration, where the energy dissipation rate by
the shock jumps up, resulting in forming the second peaks

c� 2016 RAS, MNRAS 000, 1–??



Q1.  When a SN shock totally fails, everything just falls?

Q2.  How they look like?

A.  Not really.
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Diversity of BH formation

ü Fallback SNe
ü Weak explosions

by ν mass loss
ü Fallback disk wind

rotation

ü Relativistic SNe? ü Gamma-ray bursts



Relativistic SNe without GRB

Soderberg+10; Chakraborti & Ray 11; Chakraborti+2014; Margutti+14; Milisavljevic+15

ü Rate ~1% of SNe Ic

ü Driven by a failed jet?

The Astrophysical Journal, 797:107 (8pp), 2014 December 20 Margutti et al.

Figure 2. Kinetic energy profile of the ejecta of ordinary type Ibc SNe (red) and E-SNe, a class of explosions that includes GRBs (blue), sub-E GRBs (light-blue), and
relativistic SNe (orange). Squares and circles are used for the slow-moving and the fast-moving ejecta, respectively, as measured from optical and radio observations.
The velocity of the fast-moving ejecta has been computed at δt = 1 day (rest-frame). Black solid lines: ejecta kinetic energy profile of a pure hydrodynamical explosion
(Ek ∝ (Γβ)−5.2; Tan et al. 2001) and for explosions powered by a short-lived (Ek ∝ (Γβ)−2.4) and long-lived (Ek ∝ (Γβ)−0.4) central engine (Lazzati et al. 2012).
Open black circles identify explosions with broad-lined optical spectra. The purple arrows identify the directions of increasing collimation and mass of the fastest
ejecta. SN 2012ap bridges the gap between cosmological GRBs and ordinary SNe Ibc. Its kinetic energy profile, significantly flatter than what was expected from a
pure hydrodynamical explosion, indicates the presence of a central engine (Margutti et al. (2013a), and references therein; Ben-Ami et al. (2012); Horesh et al. (2013);
Corsi et al. (2014); Walker et al. (2014); C14; M14.
(A color version of this figure is available in the online journal.)

as ρSN ∝ R−n with n ∼ 10 (see, e.g., Matzner & McKee 1999;
Chevalier & Fransson 2006).

Assuming a wind-like CSM structure ρCSM ∝ R−2 as
appropriate for massive stars, a power-law electron distribution
ne(γ ) = n0γ

−p with p ∼ 3 as indicated by radio observations
of type Ib/c SNe (Chevalier & Fransson 2006) and by radio
observations of SN 2012ap (C14), and a fraction of energy
into relativistic electrons ϵe = 0.1 as supported by well-
studied SN shocks (e.g., Chevalier & Fransson 2006), the
Chandra non-detection of SN 2012ap at δt ≈ 24 days implies
Ṁ/vw < 5 × 10−6(M⊙ y−1/1000 km s−1). Ṁ is the mass-loss
rate of the progenitor star, and vw is the wind velocity. We
renormalize the mass loss to vw = 1000 km s−1 as appropriate
for Wolf–Rayet progenitor stars. In this calculation, we used the
bolometric luminosity we derived in M14, Ek ∼ 1052 erg and
Mej ∼ 3 M⊙ as obtained by modeling the bolometric luminosity
in M14.

The inferred limit to the mass-loss rate Ṁ < 5 ×
10−6(M⊙ y−1) is independent from any assumption on
magnetic-field-related parameters; it is not affected by pos-
sible uncertainties on the SN distance and indicates that the
pre-explosion mass loss of SN 2012ap lies at the low end of
the interval of values derived by C14 (4 × 10−6 M⊙ y−1 <
Ṁ < 5 × 10−5 M⊙ y−1) and is based on the modeling of the
radio observations with synchrotron emission.8 This result is
in line with the value derived for the relativistic SN 2009bb
(Ṁ ∼ 2 × 10−6 M⊙ y−1; Soderberg et al. 2010b) and is con-
sistent with the wide range of values inferred for sub-E GRBs
(10−7 M⊙ y−1 ! Ṁ ! 10−5 M⊙ y−1).

8 Note that the synchrotron formalism is instead dependent on assumptions
on magnetic-field-related parameters.

4. SN 2012ap IN THE CONTEXT OF
ENGINE-DRIVEN EXPLOSIONS

The radio observations of SN 2012ap are well modeled
by synchrotron emission arising from the interaction of the
SN shock with the environment (C14). C14 derive Ek =
(1.6 ± 0.1) × 1049 erg carried by mildly relativistic ejecta with
velocity v ∼ 0.7c at δt = 1 d. By modeling the observed
optical emission, M14 infer Ek ∼ 1052 erg in slow moving
(v ≈ 20,000 km s−1) material. These two values define an Ek
profile significantly flatter than what was expected in the case
of a pure hydrodynamical collapse (Ek ∝ (Γβ)−5.2; e.g., Tan
et al. 2001), thus pointing to the presence of an engine driving
the SN 2012ap explosion (see Figure 2).

Engine-driven SNe constitute a diverse class of explosions
that includes relativistic SNe, sub-E GRBs, and ordinary GRBs.
SN 2012ap is intermediate between ordinary non-relativistic
SNe and fully relativistic GRBs and falls into a region of
the parameter space populated by sub-E GRBs and the other
known relativistic SN, SN 2009bb (Figure 2).9 With reference
to Figures 3 and 4, we find the following.

1. The radio luminosity of SN 2012ap and sub-E GRBs is
comparable. SN 2012ap is significantly more luminous than
ordinary Ic SNe at the same epoch and even more luminous
than the sub-E GRBs 100316D and 060218 (Figure 3,
right panel). With Ek ∼ 1052 erg and evidence for broad
spectral features (M14), the properties of SN 2012ap in the
optical band are also reminiscent of the very energetic SNe
associated with sub-E GRBs and ordinary GRBs.

9 The relativistic nature of SN 2007gr has been questioned by Soderberg
et al. (2010a), and it is not included here. See, however, Paragi et al. (2010).
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Figure 3. Left panel: Chandra observations put a deep limit to the X-ray luminosity of the relativistic SN 2012ap at ∼20 days after the explosion. SN 2012ap is
considerably less luminous than ordinary long GRBs (filled circles; from Margutti et al. 2013a, 2013b, and references therein) and is ∼100 times fainter than the
faintest sub-E GRBs (i.e., GRBs 980425 and 100316D). Filled gray squares: X-ray emission from ordinary type Ic SNe. The relativistic SN 2009bb is marked with a
blue square. References: Immler et al. (2002), Pooley & Lewin (2004), Soria, Pian, & Mazzali (2004), Soderberg et al. (2005), Perna et al. (2008), Corsi et al. (2011),
Horesh et al. (2013), and Corsi et al. (2014). Right panel: radio emission of SN 2012ap (from C14) compared to a sample of GRB radio afterglows (filled circles)
and type Ic SNe (filled square) collected from Soderberg et al. (2010b), Corsi et al. (2011), Chandra & Frail (2012), Horesh et al. (2013), Margutti et al. (2013a),
and citeCorsi14. At radio frequencies, the luminosity of SN 2012ap is comparable to (or even larger than) sub-E GRBs. In both panels, GRBs with spectroscopically
associated SNe are in color and labeled. Different shades of orange and red are used to guide the eye.
(A color version of this figure is available in the online journal.)

Figure 4. Promptly emitted γ -ray energy vs. X-ray luminosity between 10
and 30 days since the explosion for the sample of relativistic SNe (blue stars)
and sub-E GRBs (red circles). Relativistic SNe are clearly distinguished from
sub-E GRBs by their significantly fainter X-ray emission. References: Amati
(2006); Soderberg et al. (2006b); Soderberg et al. (2010b); Starling et al. (2011)
Barthelmy et al. (2012); Margutti et al. (2013a); Margutti et al. (2013b); Amati
(2013); Amati et al. (2013); C14.
(A color version of this figure is available in the online journal.)

2. At δt ∼ 20 days, the X-ray emission from SN 2012ap is,
however, a factor !100 fainter then the faintest sub-E GRB
ever detected, GRB 980425 (Figure 3, left panel).

3. Along the same line, from C14, the prompt γ -ray energy
released by the SN 2012ap explosion is Eγ ,iso < 1047 erg,
a factor !10 fainter then the faintest sub-E GRB 980425
(Figure 4).

In addition, in Milisavljevic et al. (2014a) and M14, we
showed the following.

1. Contrary to sub-E GRBs and GRBs, SN 2012ap exploded
in a solar–metallicity environment. Interestingly, the metal-
licity of the environment of SN 2009bb was also super-solar
(Levesque et al. 2010b).

2. Different from sub-E GRBs and GRBs, our analysis of
multi-epoch spectroscopy strongly favors the presence of
helium in the ejecta of SN 2012ap. Helium was also
reported in the early-time spectra of SN 2009bb (Pignata
et al. 2011).

Relativistic SNe and sub-E GRBs are thus clearly distin-
guished in terms of their high-energy (X-rays and γ -rays) prop-
erties, a higher metallicity environment, and the conspicuous
presence of helium in their ejecta.

The different levels of X-ray emission between relativistic
SNe and sub-E GRBs cannot be ascribed to beaming collimated
emission away from our line of sight. Radio observations of sub-
E GRBs support the idea of quasi-spherical explosions (e.g.,
Kulkarni et al. 1998; Soderberg et al. 2004, 2006a; Margutti
et al. 2013a), and there is no evidence for beaming of the
non-thermal emission from relativistic SNe (Soderberg et al.
2010b; C14). Furthermore, on a timescale of ∼20 days, the
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2.1.1. Ejecta Profile

Let us consider an SN/HN explosion with a total energy of
Ein and an ejecta mass of Mej. The SN/HN blast wave is
accelerated as it propagates through the outer envelope of the
progenitor where the density declines steeply (Sakurai 1960;
Johnson & McKee 1971). A small fraction of the surface layer
can be accelerated to trans-relativistic velocities, 1βΓ ∼ . After
the breakout, the shocked ejecta are further accelerated by
converting the internal energy into the kinetic energy. The
resultant cumulative kinetic-energy distribution can be
described as (Matzner & McKee 1999; Tan et al. 2001; the
solid lines in Figure 1)6

( )E EF( ) ˜ , (1)kin β β>Γ = Γ
where F ( )βΓ is a decreasing function of βΓ , given in Equation
(38) of Tan et al. (2001) as7

( ) ( ) ( )F 20 , (2)3.85 4.1 0.83 4.1 16.4 3β β βΓ ∼ Γ + Γ− −⎡⎣ ⎤⎦
and the energy coefficient, Ẽ , is evaluated as

E
E M

M
˜ 5.5 10

10 erg 3
erg. (3)40 in

51

ej
10.7

3
7.7
3

∼ ×
⊙

−⎛
⎝⎜

⎞
⎠⎟

⎛
⎝⎜

⎞
⎠⎟

In Figure 1, we show the representative case of an SN Ibc (the
black line) with E M M( , ) (10 erg, 3 )in ej

51= ⊙ and an HN (the

blue line) with E M M( , ) (10 erg, 4.8 )in ej
52= ⊙ , which is

consistent with SN 2009bb (Pignata et al. 2011).

2.1.2. Dynamics of the Decelerating Ejecta

We assume a power law for the CSM density profile,
n R A R( )w 2

2= − , where R is the radius and A M πv m˙ (4 )w p2 =
with Ṁ , vw, and mp being the mass loss rate, the wind velocity,
and the proton mass, respectively. Here, we fix the wind
velocity as v 1000 km sw

1= − , which is a typical value for
Wolf–Rayet (W–R) stars (e.g., Crowther 2007).
Since the outer shells have larger velocities and smaller

energies, they decelerate first by interacting with the CSM. The
decelerated shells constitute a shocked region. The inner,
slower shells successively catch up with the shocked region
and energize it (refreshed shock; Rees & Meszaros 1998). The
total energy in the shocked region can be calculated as
(Taylor 1950; Sedov 1959; Blandford & McKee 1976; De
Colle et al. 2012)

( )
E R R n R m c

π

( , ) ( ) ( )

8
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9
4

1 , (4)

w psh
3 2 2

2

2

2

β β

β α β

Γ = Γ

× + −
⎡
⎣⎢

⎤
⎦⎥

for a shock velocity cβ and radius R. Here, 0.782
1 3α = .8 As

long as radiative cooling is negligible, E R( , )sh βΓ is equal to
the original kinetic energy E ( )kin β> Γ , so that the shock
velocity can be estimated from (Sari & Mészáros 2000;
Kyutoku et al. 2014; Barniol Duran et al. 2015)

E E R( ) ( , ). (5)kin shβ β>Γ = Γ
By integrating dR dt R c( )β= with respect to the lab-frame
time t, the shock radius can be obtained as a function of t as
R R t( )= . Moreover, the lab-frame time can be related to the
observer-frame time tobs through dt dt R1 ( )obs β= − .
In the non-relativistic limit, Equation (5) can be approxi-

mately represented as

E R n R m c20 ˜ 9 ( ) 4 , (6)s
w p

1 3 2 2
2

nrβ β α∼−

where s 18.4 3nr = . From this, the time evolution of the blast
wave radius can be calculated from

( )( )

( )

R t c E A m c

c t s

( ) 4 9 20 ˜

˜ , (7)

( )
p

s

s

obs 2 2
2

1 2

obs nr
˜

nr

nr

α∼

×

+⎡⎣ ⎤⎦

where s s s˜ ( 1) ( 2)nr nr nr= + + . After the shock velocity
becomes smaller than that of the slowest shell, the evolution
can be described by the Sedov–von Neumann–Taylor solutions
with an energy of Ein.

2.2. Synchrotron Emission

Next, we model the synchrotron emission from the
decelerating SN/HN ejecta based on the external shock model
of non-relativistic fireballs (Waxman et al. 1998; Frail et al.
2000; Sironi & Giannios 2013). We note that while the
equations below explicitly contain the Lorentz factor Γ of the

Figure 1. Energy profile of SN/HN ejecta as a function of βΓ . The red points
show the total energy of an SN/HN Ein, and the solid lines show the profiles
theoretically predicted from spherical SN/HN explosions (Equations (1)–(3)).
The black line corresponds to the representative case of an SN Ibc with
E M M( , ) (10 erg, 3 )in ej

51∼ ⊙ , and the blue line to an HN with
E M M( , ) (10 erg, 4.8 )in ej

52∼ ⊙ , which is consistent with SN 2009bb. The
yellow point on the dashed line corresponds to the energy of the trans-
relativistic ejecta estimated by Soderberg et al. (2010). The yellow and green
regions on the blue line show the shells contributing to the radio (at
10–1000 days) and optical (at 0.01–1 days) synchrotron emissions, respec-
tively. They are determined on the basis of the refreshed shock model in this
paper.

6 Ẽ and F ( )βΓ also depend on the progenitor structure, for which we adopt
the same stripped-envelope progenitor as in Tan et al. (2001). Following their
convention, we assume the following set of parameters: q = 4.1, 4 3pγ = ,
C 2.03nr = , f 0.63=ρ , f 0.85sph = , and A = 0.736.
7 More precisely, the proportionality coefficient of Equation (2) is not a
constant, but a complex function of βΓ (Tan et al. 2001). This evaluation is
valid for 1βΓ ≲ .

8 Equation (4) reproduces the numerical results of blast wave evolution
within a maximum difference of 5%, both in the trans-relativistic and non-
relativistic regimes (De Colle et al. 2012).
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Spherical HN may also explain

counterpart for discriminating the origin of radio-bright HNe.
Finally, in Section 3.3, we discuss the impact of the
phenomenological parameters on our results.

3.1. Radio Afterglow

Here, to begin, we estimate the energy profile of HN ejecta
from the observed radio spectrum on the basis of the refreshed
shock model in the previous section. By substituting
Equations (7)–(16) into Equations (18) and (19), we can
estimate Ẽ and Ṁ as functions of e� and B� as

E

t

F

˜ 6 10
0.33 0.33

6 GHz 20 days
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erg

,
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( ) ( )
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B e

43
10 (1 ) 4 1

1 (4 9)

fit
(2 13) 24 31 (4 9)

( 6) 6( 4) (4 9)

14.6 63 96.8 63

nr nr

nr

nr

� �

� �

ν

∼ ×

×

×

∝

+ − − + +

− + + − +

+ − − +

− −

⎜ ⎟ ⎜ ⎟
⎡
⎣
⎢⎢

⎛
⎝

⎞
⎠

⎛
⎝

⎞
⎠

⎤
⎦
⎥⎥

⎛
⎝⎜

⎞
⎠⎟

⎛
⎝⎜

⎞
⎠⎟

and

M

t

F
M

˙ 10
0.33 0.33

6 GHz 20 days

20 mJy
yr

, (21)

B
p p

e
p p

p
p p

p
p p

B e

6
(4 1) (4 9) 8( 1) (4 9)

fit
2(12 7) (4 9)

4(2 3) (4 9)
1

13 21 16 21

� �

� �

ν

∼

×

×

∝

−
− + + − − +

− +

− − +

⊙ −

− −

⎜ ⎟ ⎜ ⎟⎛
⎝

⎞
⎠

⎛
⎝

⎞
⎠

⎛
⎝⎜

⎞
⎠⎟

⎛
⎝⎜

⎞
⎠⎟

where F 20 mJyp ∼ and 6 GHzpν ∼ are the peak flux density
and the peak frequency determined from the radio spectrum at
t 20fit ∼ days in Soderberg et al. (2010). Note that s 18.4 3nr =
from Equation (6) and the spectral index is obtained as p 3∼
from the observed spectral slope (Soderberg et al. 2010). On
the other hand, the plausible values of the phenomenological
parameters e� and B� are uncertain. Here, we adopt the
equipartition values, since the main aim is to compare our
estimate of the energy profile with that of Soderberg et al.
(2010). We discuss the impact of the phenomenological
parameters on our results in Section 3.3. Note that the energy
profile with Ẽ 6 10 erg43= × corresponds to the blue solid line
in Figure 1. Therefore, our results imply that the energy profile
of a radio-bright HN, SN 2009bb, is consistent with that
predicted from the spherical HN explosion, and it does not
require the additional trans-relativistic component.

In Figure 2, we compare the light curves of SN 2009bb in the
radio band with those calculated by the refreshed shock model.
The black points correspond to the observed data from Soderberg
et al. (2010). The solid blue lines are the results of our theoretical
calculation with Ẽ 6 10 erg43= × , M M˙ 10 yr6 1= − ⊙ − , e� =

0.33B� = , and p = 3. For comparison, we also show the cases of

the higher (M M˙ 10 yr5 1= − ⊙ − ) and lower (M M˙ 10 yr7 1= − ⊙ − )
mass loss rates with the dashed and dotted lines, respectively. The
radio flux becomes larger and the peak time comes later for the
higher wind density. One can see that the radio counterpart of SN
2009bb can be well explained by the refreshed shock model
using the estimated energy profile, CSM density, and the adopted
equipartition parameters.
Next, let us compare the obtained energy profile with that of

the previous studies. Using the yellow and green regions on the
blue solid line of Figure 1, we show the shells contributing to
the radio and optical synchrotron emission, respectively. The
radio-emitting shells have 0.4 0.2βΓ ∼ − and cumulative
energies of E 10 10 ergsh

48 49∼ − for t 10 10obs
3∼ − days (the

yellow region on the solid line). On the other hand, Soderberg
et al. (2010) estimated 0.85βΓ ∼ , E 10 ergsh

49∼ (the yellow
point on the dashed line), and M M˙ 2 10 yr6 1= × − ⊙ − by
fitting the radio spectrum of SN 2009bb at t 20obs ∼ days. We
find, however, that they may overestimate Esh and βΓ by
overlooking some factors related to the minimum Lorentz
factor ( mγ ) of the non-thermal electrons. Hereafter, we discuss
the origin of the discrepancy in their estimate following their
arguments.
By replacing El(the minimum energy of the non-thermal

electrons) in Equations (11) and (12) of Chevalier (1998) with
m cm e,fit

2γ , we obtain the emission radius Rfit and the magnetic

Figure 2. Radio light curve of SN 2009bb. The black data points are taken from
Soderberg et al. (2010). The solid lines show our theoretical fit with

0.33e B� �= = , p = 3, Ẽ 6 10 erg43= × , and M M˙ 10 yr6 1= − ⊙ − . Note that
Ẽ 6 10 erg43= × corresponds to the blue solid line in Figure 1. The dashed and
dotted lines show higher (M M˙ 10 yr5 1= − ⊙ − ) and lower (M M˙ 10 yr7 1= − ⊙ − )
mass loss cases, respectively.
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Optical synchrotron precursors
field strength Bfit as
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respectively. We can see that Rfit and Bfit at tfit weakly depend
on t( )m m,fit fitγ γ≡ . This is also pointed out in Chevalier &
Fransson (2006). From Equation (22), βΓ at tfit can be
estimated as
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The blast wave energy is given by E R B 12 Bsh fit
3

fit
2 �∼ , and

substituting Equations (22) and (23), it is evaluated as
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Finally, from the definition of the mass loss rate M πR v˙ 4 w w
2ρ=

and Equation (12), one can obtain
M v c B R v t B˙ ( 8 )( ( 1)) ( 4 )w B w B
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where we use R ctobsβ∼ in the non-relativistic limit.
Equations (25) and (26) show that the blast wave energy
(Esh) and the CSM density (Ṁ) strongly depend on m,fitγ .

If we set 1m,fitγ = , then we can reproduce the estimates of
Soderberg et al. (2010) by a factor of less than a few from
Equations (24)–(26). According to Equation (11), however,
we should set 100m,fitγ ∼ for p = 3, 0.33e B� �= = , and

0.85βΓ = , which they adopted in their study. If we substitute
100m,fitγ ∼ into Equations (24)–(26), then we obtain

0.57βΓ ∼ , E 2.2 10 ergsh
47∼ × , and

M M˙ 2.7 10 yr7 1= × − ⊙ − . Thus, Soderberg et al. (2010)
overestimated βΓ , Esh, and Ṁ by overlooking the large factor
related to m,fitγ . If they correct this point, their results are
consistent with ours.

3.2. Optical Synchrotron Precursor

We can see from the blue line in Figure 1 that the trans-
relativistic ejecta with 1βΓ ∼ still have a large amount of
energy. Emission from such trans-relativistic ejecta can be
expected from earlier times at higher frequencies compared to
the radio emission. Here, we consider the synchrotron emission
at optical frequencies. Since a frequency in the optical band optν
is found to be larger than aν , mν , and cν at all times, the light
curve can be calculated from the Equation given by the last
column of Equation (17), i.e., c optν ν< .
In Figure 3, the solid blue line represents the optical

synchrotron flux calculated from the above parameter values,
and the black points represent the r-band light curve of SN
2009bb (Pignata et al. 2011). Here, we adopt the color excess
of E 0.58B V =− (Pignata et al. 2011). The dashed lines show
the 5σ sensitivity of the Palomar Transient Factory (PTF, 60 s;
Law et al. 2009; Rau et al. 2009), Kiso Supernova Survey
(KISS, 180 s; Morokuma et al. 2014), Panoramic Survey
Telescope & Rapid Response System (Pan-STARRS, 30 s;
Kaiser et al. 2002), and Large Synoptic Survey Telescope
(LSST, 30 s)9 from top to bottom, respectively, where the
values in the parentheses correspond to the integration times.
We find that at ∼0.01–1 days after shock breakout, such optical
synchrotron emission can be seen as precursors of canonical
HN emission. Especially for t 0.1obs ≲ day, such precursors can
be detectable even using current detectors. For comparison, we
also show the cases of higher (M M˙ 10 yr5 1= − ⊙ − ) and lower
(M M˙ 10 yr7 1= − ⊙ − ) mass loss rates with the dashed and
dotted lines, respectively. Brighter precursors can be expected
for the denser wind envelopes, and so it can be a good probe of
the circumstellar environments. Note that the shells contribut-
ing to the optical precursor have velocities larger than those

Figure 3. Optical synchrotron precursor expected from radio observation of SN
2009bb (the blue solid line). The black points correspond to the r-band light
curve of SN 2009bb (Pignata et al. 2011) and the dashed lines to the 5σ
sensitivity of PTF (60 s), KISS (180 s), Pan-STARRS (30 s), and LSST (30 s)
from up to bottom, respectively, where the values in the parentheses correspond
to the integration times. We see that an optical synchrotron precursor is
predicted against the canonical SN emission for t 1obs < day. Especially for
t 0.1obs ≲ day, such a precursor may be detected by the current detectors. For
comparison, we also show the results of higher (M M˙ 10 yr5 1= − ⊙ − ) and lower
(M M˙ 10 yr7 1= − ⊙ − ) mass loss cases with the dashed and dotted lines,
respectively. The optical synchrotron precursor will evolve as the orange
dotted–dashed line if the estimates of Soderberg et al. (2010) were correct.
Note that in Section 3.1, we show that they overestimated the energy of the HN
ejecta. Future observations of SN 2009bb-like events can confirm whether our
predictions or theirs are correct.

9 http://www.lsst.org/lsst/
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Diversity of GRB
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Fig. 1.— The spectral-hardness (ratio of fluence in 50–100 keV over 20–50 keV) versus duration diagram for CGRO/BATSE GRBs (red
points) and Swift GRBs (blue points), with the locations of GRB 101225A, GRB 111209A and GRB 121027A marked (note these are
approximate due to the lack of Swift orbit coverage). These three events have durations much longer than any seen by BATSE. In the
case of GRB 101225A, the long-lived, low level emission could easily have been missed, while GRB 111209A was seen as an extremely long
burst by Konus-Wind.
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Fig. 2.— Parameter space for transients in the �-ray sky, showing the duration of the burst, and the approximate average luminosity
over that duration. At low luminosity there are numerous Galactic sources that we do not include in further detail; at higher luminosity
the outbursts for soft-gamma repeaters (SGRs) in our own Galaxy are shown, as well as extragalactic transients such as long and short
duration GRBs (LGRBs and SGRBs), and the likely population of low luminosity GRBs (LLGRBs). Two recently discovered very long
transients, thought to be from tidal disruption events are also shown (labelled TDEs?). The bursts considered in this paper (GRB 101225A,
GRB 111209A and GRB 121027A) are clearly outliers to any of these aforementioned classes.
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Luminous SN like counterpart of BSG GRBs
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Figure 2. Theoretical fitting of GRB 111209A afterglow light curves (LCs). The left panel shows the LC in XRT range and the right
one is in UV/optical/IR range, where the points represent the observed data, and the solid lines correspond to the theoretical model in X
(grey), u (black), g (blue), r (green), i (magenta) and J (red) bands, respectively. While the observations are shown as filled circles with the
same colors, respectively. We use a BSG progenitor with zero age main sequence (ZAMS) mass of 75 M⊙ and 10−4 Z⊙. We find that if we
give θj = 12◦ and n = 0.04 cm−3, other parameters are determined from the observations as ηj = 1.24×10−3, ϵγ = 0.38, p = 2.5, ϵe = 0.01,
ϵB = 1× 10−3, and Ahost

V = 0.26 (see Table 2). In the right panel, the thin-dotted lines correspond to the external shock components. The
SLSN-like bump, which dominates at later phase, is well reproduced by the CFPE (thin-dashed lines) with Ec(tbo) = 1.0 × 1053 erg and
Mc(tbo) = 5.8 M⊙. We see that the theoretical curves reproduce the observations quite well. In the right panel, the error bars are smaller
than the data points in J , i, r, and g-bands. But in u-band, some error bars are larger than the point size, and are ±0.5 mag at most. The
data points at ∼ 200 day may reflect the emissions from the host galaxy (see Levan et al. 2013, for details).

2013) are substantially reproduced by setting the jet ef-
ficiency and the radiation efficiency as ηj = 1.24 × 10−3

and ϵγ = 0.38, respectively. The above set of parame-
ters (θj, ηj, ϵγ) determines the kinetic energy of the rel-
ativistic ejecta as Ekin = 9.6 × 1053 erg, and the in-
ternal energy and the baryon mass of the cocoon as
Ec(tbo) = 1.0 × 1053 erg and Mc(tbo) = 5.8 M⊙, re-
spectively (see Table 2).
The left panel of Fig. 2 shows the XRT afterglow

LC (black dots with error bars) and the theoretical fit-
ting (solid gray line). The right panel of this figure
shows the UV/optical/IR afterglow LCs and the theo-
retical fittings for u (black), g (blue), r (green), i (ma-
genta), and J (red) bands. The data points at ∼ 200 day
may reflect the host galaxy contribution (Levan et al.
2013). We focus on the normal decay phase starting
at tobs ∼ 105 s. The observed X-ray flux decays as
t−1.36 for t ! 105 s (Levan et al. 2013). This gives the
power law index of non-thermal electrons as p = 2.5.
The X-ray and u-band fluxes are reproduced by setting
the ambient gas density, the electron acceleration effi-
ciency, and the magnetic field amplification efficiency as
n = 0.04 cm−3, ϵe = 0.01 and ϵB = 1 × 10−3, respec-
tively. One can see that the standard-afterglow compo-
nents (thin-dotted lines) roughly illustrate the observed
data for 1 day " tobs " 5 day,9 and the SLSN-like bump
dominates in optical/IR bands for tobs ! 5 day. We
find that by setting Ahost

V = 0.26 mag, the CFPEs (thin-

9 One can see that there is a re-brightening in u-band at ∼ 1 day,
which also cannot be explained by the standard external shock
model. Our target here is, however, the SLSN-like component
emerged after ∼ 10 day. So, for simplicity, we treat the power law
component of the afterglow within the standard model. Detailed
theoretical interpretations of this re-brightening are discussed in
Stratta et al. (2013).

dashed lines) explain the SLSN-like bump quite well.
The model parameters for the above fittings have rea-

sonable values (see Table 2). Thus, we can conclude
that ULGRB 111209A and the accompanying SLSN-like
bump are well reproduced by the BSG collapsar model.
Note that since the CFPEs are calculated based on a
TypeIIP SN model, the observed bump may be able to
be explained by a SN ejecta, not by a cocoon. How-
ever, a significantly large explosion energy of ∼ 1053 erg
(∼ a third of the binding energy of the neutron star) is
still necessary, which would be very difficult as far as we
consider standard spherical explosions.

4.2. GRB 101225A

For GRB 101225A, it is relatively hard to constrain
our model parameters, since we only have a lower limit
to the duration and the isotropic energy of the prompt
emission, and no constraint is given to the opening an-
gle. Here, we assume the same opening angle θj = 12◦

as GRB 111209A, and take fiducial values for the jet
efficiency, ηj = 6.2 × 10−4 and the radiation efficiency,
ϵγ = 0.7. The parameter set gives δtγ ∼ 5100 s and
Eiso = 2.4 × 1053 erg, which exceed the observed lower
limits, and Ekin = 1.0×1053 erg is also obtained. Cocoon
parameters are also calculated as Ec(tbo) = 5.6×1052 erg
and Mc(tbo) = 7.0 M⊙, respectively.
The left panel of Fig. 3 shows the afterglow LC in XRT

band. For tobs > 105 s, only an upper limit is given,
and the normal decay phase is not confirmed. Thus, the
afterglow parameters are also hardly constrained from
the observation. We find that the theoretical LC (grey
solid line) is basically consistent with the observed upper
limit for ϵe < 5× 10−4. The right panel of Fig. 3 shows
the afterglow LCs in i (magenta) and r (green) bands.
Here we divide the LCs into two phases by tobs ∼ 5 day.
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Figure 9. Comparison of the light curves of our events (filled symbols and lines) to SN2011kl (empty symbols; Greiner et al. 2015), a
SN that accompanied an ultra-long-duration GRB. Time zero for SN 2011kl is set to the time of the GRB trigger. For our events it is
set to the estimated time of explosion (with an o↵set of 2 days for SNLS04D4ec and 3 days for SNLS06D1hc, to improve the match). No
brightness matching was applied. PTF10iam is at a substantially di↵erent redshift than SN2011kl (z=0.109 vs. z=0.677), so the observed
wavelength coverages do not match. SNLS06D1hc, on the other hand, is at a very similar redshift as SN 2011kl, and the two events appear
almost identical in their light curve shape (in each filter), indicating that they may be members of the same class of explosions.

3.5.1. Photometric Analysis

We fit the host-galaxy ugriz magnitudes with spec-
tral energy distributions (SEDs) computed using PE-
GASE2 (Fioc & Rocca-Volmerange 1997, 1999) stellar
population synthesis models. We use the eight star-
forming scenarios described in Table 1 of Le Borgne &
Rocca-Volmerange (2002) and the default modeling of
internal dust presented therein, together with the initial
mass function of Rana & Basu (1992) to compute stellar
masses and recent (averaged over the last 5 ·108 yrs) spe-
cific star formation rate (sSFR). Uncertainties are eval-
uated through a Monte Carlo propagation of the host-
galaxy magnitude uncertainties.

3.5.2. Spectroscopic Analysis

We scale the host galaxy spectra (Fig. 4) to the host
galaxy photometry (Table 3) and correct for foreground
Galactic extinction (Schlafly & Finkbeiner 2011). The
flux of each emission line was measured by fitting a Gaus-
sian. We fixed the FWHM of the weakest lines to those

of the lines that were significantly detected.
The host of PTF10iam is the most nearby one of our

sample and has the highest signal to noise ratio. This
allows for an estimation of the host extinction. Based
on the Balmer decrement (Osterbrock 1989), we find
E(B-V) = 0.52 ± 0.13. We adopt this redenning for de-
riving SFRs, but we caution that it should be considered
an upper limit due to the presence of stellar absorption
(which a↵ects H� more than H↵). This host-integrated
extinction does not necessarily a↵ect the line of sight
to PTF10iam and may originate in a dusty region be-
hind the SN (indeed, we rule out significant extinction
for PTF10iam in Section 2.1). After correcting for this
extinction, we derive SFRs from the luminosity of the
H↵ line and (separately) from the luminosity of the [O
II] line. For both we use the relations in Kennicutt et
al. (1998), corrected to a Chabrier IMF by dividing by
a factor of 1.7. Both SFR estimates agree within the
uncertainties (Table 8), which contain the measurement
error, the host reddening uncertainty and the systematic
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Figure 11. The H↵ region in PTF10iam (blue; spectrum taken
28 rest frame days after peak) compared to spectra of SN1999em
(Leonard et al. 2002) and SN2013ej (Valenti et al. 2013; red) after
removing a low order polynomial from each spectrum. The narrow
emission lines in the PTF10iam spectrum are from the host galaxy.
The absorption feature at⇡ 6200Å could be related to high velocity
hydrogen, a sign of possible CSM interaction (as interpreted by
Chugai et al. 2007 for a later appearance of a similar feature in
SN1999em), or to Si II (as interpreted by Valenti et al. 2013 for
SN2013ej). In PTF10iam, however, this features is much deeper.
We plot the best fit to a sum of four Gaussian functions (black), two
representing a “normal” H↵ P-Cygni profile and two representing a
high velocity P-Cygni profile. The profiles provide a reasonable fit
to the features, consistent with the high velocity H↵ interpretation,
but the absorption depth would be greater than any previously
observed high velocity hydrogen feature.

not a↵ect this choice as this ratio would become even
lower if a non-negligible extinction is assumed. Due to
the non-detection of any Balmer lines in the spectrum
of SNLS06D1hc we can not provide any metallicity mea-
surements for its host. Our results are present in Table
8 (the Dougie host galaxy does not display any emission
lines, and is therefore excluded from this analysis).
The metallicities of all hosts are close to solar or super-

solar and the galaxies show clear signs of an evolved stel-
lar population, such as stellar absorption. These galaxies
are markedly di↵erent from the hosts of H-poor SLSNe

that have been shown to be preferentially star bursting
dwarf galaxies (e.g. Neill et al. 2011, Lunnan et al. 2014,
Leloudas et al. 2015b).

4. POSSIBLE LIGHT CURVE POWER SOURCES

The rapid rise and luminous peak of our events chal-
lenge traditional SN power sources. Nickel-decay power
would require very high nickel to total mass ratios which
are seen in models of pure and double detonations of
carbon-oxygen white dwarfs (but not observed in normal
Type Ia SNe). We compare our data to models of such
detonations and to general energy conservation consid-
erations for high nickel mass explosions. We then turn
to massive stars and consider three other possible power
sources: interaction with the CSM, shock breakout in an
optically thick wind and magnetar spindown.

4.1. White Dwarf Detonation

Sim et al. (2010) investigated pure detonations of
sub-Chandrasekhar carbon-oxygen white dwarfs by arti-
ficially igniting them in the center. For their most mas-
sive white dwarf (M

WD

= 1.15M�) they find high nickel
to total mass ratios and consequently rapidly rising lumi-
nous light curves. The same behavior is seen by Kromer
et al. (2010) who investigate double detonations of white
dwarfs (detonating the base of the helium shell, causing
a second detonation inside the carbon-oxygen core).
Since hydrogen is not expected to show up in the spec-

tra of exploding white dwarfs, we focus on the SNLS
events for now. We compare our observed light curves
to those modeled by Sim et al. (2010) and Kromer et al.
(2010), and find that none match the models well in all
filters simultaneously. Given the redshift of our events
(z ⇡ 0.6), we compare observed r-band with model U -
band, observed i-band with model B-band and observed
z-band with model V -band. We present two of the clos-
est matches between the data and the models in Figure
15. As can be seen, even for these cases, the match is
unsatisfactory.
An important caveat to these comparisons is that Sim

et al. (2010) and Kromer et al. (2010) do not con-
sider iron group elements in their models. Such elements
could introduce additional blue-band opacities, and for
the Kromer et al. (2010) models could also influence the
nucleosynthesis yields in the helium shell, further a↵ect-
ing the light curves.
The poor match of the post-peak light curve between

the models and our data disfavor this interpretation for
the SNLS events. The hydrogen seen in the spectrum of
PTF10iam disfavors this scenario also for that event.
However, there have been suggestions of an explosion

channel that would involve white dwarfs detonating in-
side hydrogen-rich envelopes - so-called “Type 1.5” SNe
(Arnett 1969; Iben & Renzini 1983; Lau et al. 2008).
Such SNe are expected to occur when carbon is explo-
sively ignited in the core of an intermediate-mass star
during its AGB phase. These explosions could be simi-
lar to Type Ia SNe with the additiona of hydrogen-rich
ejecta. It is therefore reasonable to expect that they
would show signs of hydrogen in their spectra (coming
from the envelope), possibly in addition to deep Si II
absorption (as seen in SNe Ia), and would synthesize
large amounts of nickel, generating a luminous light curve
peak.
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neutrino emission, the binding of the outer part becomes
weaker. An inner mass shell is more bounded thus releases
a larger energy, which can propagate outward as far as the
infall velocity of the mass shell is subsonic. Given that the
time scale of the gravitational mass loss is much shorter than
the dynamical time scale of the outer part, this eventually
results in forming a shock. In principle, the weak shock can
eject a fraction of the outer envelope even if the SN explosion
fails.

The above mass ejection process was originally pro-
posed by Nadezhin (1980) and recently confirmed for RSG
progenitors by Lovegrove & Woosley (2013). They show that
a few M� of hydrogen envelope can be ejected by the weak
shock and hydrogen recombination in the expanding ejecta
can power a luminous infrared transient. We here consider
a similar mass ejection from collapsing WRs. Instead of a
loosely bounded hydrogen envelope, WRs have a sharp outer
edge, which makes the mass ejection and associated emis-
sions qualitatively di↵erent from RSGs as we show below.

3 COMPUTATIONAL SETUP

In order to compute the mass ejection process, we follow the
evolution of collapsing stars using time-dependent hydrody-
namic simulations, starting from a presupernova stellar pro-
genitor. Following Lovegrove & Woosley (2013), we consider
the portion of the star outside a radius near the edge of the
iron core, and parameterize the loss of gravitational bind-
ing energy to neutrinos. In what follows, we describe our
numerical method, the treatment of neutrino mass-loss, and
the initial stellar models used.

3.1 Numerical Hydrodynamics

We model stellar collapse by solving the time-dependent
hydrodynamic equations in spherical symmetry using
FLASH3.2 (Fryxell et al. 2000; Dubey et al. 2009),
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The public version of the code has been modified to in-
clude a non-uniformly spaced radial grid (Fernández 2012).
The system of equations (1)-(3) is closed with the Helmholtz
equation of state (Timmes & Swesty 2000) and solved with
the split Piecewise Parabolic Method (Colella & Woodward
1984; Fryxell, Müller & Arnett 1989).

The computational domain extends from a minimum
radius Rmin inside the iron core to a maximum radius Rmax

outside the stellar surface. For our fiducial WR progenitor,
these radii are Rmin = 3⇥ 107 cm and Rmax = 2⇥ 1011 cm,
respectively. The grid has logarithmic spacing �r/r ' 0.9%
from the inner boundary at Rmin until a transition radius
Rtr = 1010 cm, outside of which the grid spacing is kept

constant (i.e. �r = 0.009Rtr) in order to have su�cient res-
olution for the cases where mass ejection is small. RF: are
the domain parameters di↵erent for di↵erent pro-
genitors? If yes then they could go in Table 1.

Outflow boundary conditions are taken at both ends of
the computational domain. All primitive variables are copied
from the active cell adjacent to the boundary into the ghost
cells. The radial velocity has an additional r�2 dependence
so that the mass flux is constant in the ghost cells. No mass
is allowed to enter the domain.

The enclosed mass M(r, t) used to compute the gravita-
tional acceleration in equation (2) is the sum of the gravita-
tional mass inside the inner boundary M

G

(t) and the mass
in the computational domain interior to the radius r,
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The mass leaving the inner boundary is added to the bary-
onic mass MB(t) inside Rmin,

ṀB = 4⇡R2
min⇢(Rmin, t)min [v

r

(Rmin, t), 0]. (5)

Equation (5) is integrated using time-centered fluxes during
each time-step. The gravitational mass is connected to the
baryonic mass through neutrino mass loss, which we discuss
in the next subsection.

3.2 Evolution of the Inner Core

We adopt the parameterized neutrino mass loss model of
Lovegrove & Woosley (2013). The gravitational mass of the
hot protoneutron star evolves according to

ṀG = ṀB � ḂEc + Ṁth, (6)

where
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is the gravitational binding energy of the star, and Mth is
its thermal energy. The latter evolves according to
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where ⌧c is the neutrino cooling time and ✏ < 0.5 is a ther-
malization factor. Neutrino cooling stops when the gravita-
tional mass of the star reaches the Tolman-Oppenheimer-
Volko↵ limit, MTOV. Beyond this point, we impose ṀG =
ṀB.

3.3 Initial Condition and Models Evolved

As initial condition we take presupernova stellar models
computed with the MESA stellar evolution code version
7624 (Paxton et al. 2011, 2013, 2015). We use the default
parameter set for massive star evolution (RF: any spe-
cific test problem?): solar metallicity and no-rotation.
We evolve models starting from the zero-age main sequence
(ZAMS) with masses MZAMS = 13 � 100 M�. For this pa-
rameter choice, stars with MZAMS & 30 M� lose their hy-
drogen and helium envelopes and become WRs by the time
core-collapse begins. MESA stops the evolution when the
maximum core infall velocity reaches 108 cm s�1.
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neutrino emission, the binding of the outer part becomes
weaker. An inner mass shell is more bounded thus releases
a larger energy, which can propagate outward as far as the
infall velocity of the mass shell is subsonic. Given that the
time scale of the gravitational mass loss is much shorter than
the dynamical time scale of the outer part, this eventually
results in forming a shock. In principle, the weak shock can
eject a fraction of the outer envelope even if the SN explosion
fails.

The above mass ejection process was originally pro-
posed by Nadezhin (1980) and recently confirmed for RSG
progenitors by Lovegrove & Woosley (2013). They show that
a few M� of hydrogen envelope can be ejected by the weak
shock and hydrogen recombination in the expanding ejecta
can power a luminous infrared transient. We here consider
a similar mass ejection from collapsing WRs. Instead of a
loosely bounded hydrogen envelope, WRs have a sharp outer
edge, which makes the mass ejection and associated emis-
sions qualitatively di↵erent from RSGs as we show below.

3 COMPUTATIONAL SETUP

In order to compute the mass ejection process, we follow the
evolution of collapsing stars using time-dependent hydrody-
namic simulations, starting from a presupernova stellar pro-
genitor. Following Lovegrove & Woosley (2013), we consider
the portion of the star outside a radius near the edge of the
iron core, and parameterize the loss of gravitational bind-
ing energy to neutrinos. In what follows, we describe our
numerical method, the treatment of neutrino mass-loss, and
the initial stellar models used.

3.1 Numerical Hydrodynamics

We model stellar collapse by solving the time-dependent
hydrodynamic equations in spherical symmetry using
FLASH3.2 (Fryxell et al. 2000; Dubey et al. 2009),
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The public version of the code has been modified to in-
clude a non-uniformly spaced radial grid (Fernández 2012).
The system of equations (1)-(3) is closed with the Helmholtz
equation of state (Timmes & Swesty 2000) and solved with
the split Piecewise Parabolic Method (Colella & Woodward
1984; Fryxell, Müller & Arnett 1989).

The computational domain extends from a minimum
radius Rmin inside the iron core to a maximum radius Rmax

outside the stellar surface. For our fiducial WR progenitor,
these radii are Rmin = 3⇥ 107 cm and Rmax = 2⇥ 1011 cm,
respectively. The grid has logarithmic spacing �r/r ' 0.9%
from the inner boundary at Rmin until a transition radius
Rtr = 1010 cm, outside of which the grid spacing is kept

constant (i.e. �r = 0.009Rtr) in order to have su�cient res-
olution for the cases where mass ejection is small. RF: are
the domain parameters di↵erent for di↵erent pro-
genitors? If yes then they could go in Table 1.

Outflow boundary conditions are taken at both ends of
the computational domain. All primitive variables are copied
from the active cell adjacent to the boundary into the ghost
cells. The radial velocity has an additional r�2 dependence
so that the mass flux is constant in the ghost cells. No mass
is allowed to enter the domain.

The enclosed mass M(r, t) used to compute the gravita-
tional acceleration in equation (2) is the sum of the gravita-
tional mass inside the inner boundary M

G

(t) and the mass
in the computational domain interior to the radius r,
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The mass leaving the inner boundary is added to the bary-
onic mass MB(t) inside Rmin,

ṀB = 4⇡R2
min⇢(Rmin, t)min [v
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(Rmin, t), 0]. (5)

Equation (5) is integrated using time-centered fluxes during
each time-step. The gravitational mass is connected to the
baryonic mass through neutrino mass loss, which we discuss
in the next subsection.

3.2 Evolution of the Inner Core

We adopt the parameterized neutrino mass loss model of
Lovegrove & Woosley (2013). The gravitational mass of the
hot protoneutron star evolves according to

ṀG = ṀB � ḂEc + Ṁth, (6)

where

BEc ' 0.084

✓
MG

M�

◆2

M�. (7)

is the gravitational binding energy of the star, and Mth is
its thermal energy. The latter evolves according to
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where ⌧c is the neutrino cooling time and ✏ < 0.5 is a ther-
malization factor. Neutrino cooling stops when the gravita-
tional mass of the star reaches the Tolman-Oppenheimer-
Volko↵ limit, MTOV. Beyond this point, we impose ṀG =
ṀB.

3.3 Initial Condition and Models Evolved

As initial condition we take presupernova stellar models
computed with the MESA stellar evolution code version
7624 (Paxton et al. 2011, 2013, 2015). We use the default
parameter set for massive star evolution (RF: any spe-
cific test problem?): solar metallicity and no-rotation.
We evolve models starting from the zero-age main sequence
(ZAMS) with masses MZAMS = 13 � 100 M�. For this pa-
rameter choice, stars with MZAMS & 30 M� lose their hy-
drogen and helium envelopes and become WRs by the time
core-collapse begins. MESA stops the evolution when the
maximum core infall velocity reaches 108 cm s�1.
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neutrino emission, the binding of the outer part becomes
weaker. An inner mass shell is more bounded thus releases
a larger energy, which can propagate outward as far as the
infall velocity of the mass shell is subsonic. Given that the
time scale of the gravitational mass loss is much shorter than
the dynamical time scale of the outer part, this eventually
results in forming a shock. In principle, the weak shock can
eject a fraction of the outer envelope even if the SN explosion
fails.

The above mass ejection process was originally pro-
posed by Nadezhin (1980) and recently confirmed for RSG
progenitors by Lovegrove & Woosley (2013). They show that
a few M� of hydrogen envelope can be ejected by the weak
shock and hydrogen recombination in the expanding ejecta
can power a luminous infrared transient. We here consider
a similar mass ejection from collapsing WRs. Instead of a
loosely bounded hydrogen envelope, WRs have a sharp outer
edge, which makes the mass ejection and associated emis-
sions qualitatively di↵erent from RSGs as we show below.

3 COMPUTATIONAL SETUP

In order to compute the mass ejection process, we follow the
evolution of collapsing stars using time-dependent hydrody-
namic simulations, starting from a presupernova stellar pro-
genitor. Following Lovegrove & Woosley (2013), we consider
the portion of the star outside a radius near the edge of the
iron core, and parameterize the loss of gravitational bind-
ing energy to neutrinos. In what follows, we describe our
numerical method, the treatment of neutrino mass-loss, and
the initial stellar models used.

3.1 Numerical Hydrodynamics

We model stellar collapse by solving the time-dependent
hydrodynamic equations in spherical symmetry using
FLASH3.2 (Fryxell et al. 2000; Dubey et al. 2009),
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The public version of the code has been modified to in-
clude a non-uniformly spaced radial grid (Fernández 2012).
The system of equations (1)-(3) is closed with the Helmholtz
equation of state (Timmes & Swesty 2000) and solved with
the split Piecewise Parabolic Method (Colella & Woodward
1984; Fryxell, Müller & Arnett 1989).

The computational domain extends from a minimum
radius Rmin inside the iron core to a maximum radius Rmax

outside the stellar surface. For our fiducial WR progenitor,
these radii are Rmin = 3⇥ 107 cm and Rmax = 2⇥ 1011 cm,
respectively. The grid has logarithmic spacing �r/r ' 0.9%
from the inner boundary at Rmin until a transition radius
Rtr = 1010 cm, outside of which the grid spacing is kept

constant (i.e. �r = 0.009Rtr) in order to have su�cient res-
olution for the cases where mass ejection is small. RF: are
the domain parameters di↵erent for di↵erent pro-
genitors? If yes then they could go in Table 1.

Outflow boundary conditions are taken at both ends of
the computational domain. All primitive variables are copied
from the active cell adjacent to the boundary into the ghost
cells. The radial velocity has an additional r�2 dependence
so that the mass flux is constant in the ghost cells. No mass
is allowed to enter the domain.

The enclosed mass M(r, t) used to compute the gravita-
tional acceleration in equation (2) is the sum of the gravita-
tional mass inside the inner boundary M
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(t) and the mass
in the computational domain interior to the radius r,
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onic mass MB(t) inside Rmin,
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Equation (5) is integrated using time-centered fluxes during
each time-step. The gravitational mass is connected to the
baryonic mass through neutrino mass loss, which we discuss
in the next subsection.

3.2 Evolution of the Inner Core

We adopt the parameterized neutrino mass loss model of
Lovegrove & Woosley (2013). The gravitational mass of the
hot protoneutron star evolves according to
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where

BEc ' 0.084

✓
MG

M�

◆2

M�. (7)

is the gravitational binding energy of the star, and Mth is
its thermal energy. The latter evolves according to
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where ⌧c is the neutrino cooling time and ✏ < 0.5 is a ther-
malization factor. Neutrino cooling stops when the gravita-
tional mass of the star reaches the Tolman-Oppenheimer-
Volko↵ limit, MTOV. Beyond this point, we impose ṀG =
ṀB.

3.3 Initial Condition and Models Evolved

As initial condition we take presupernova stellar models
computed with the MESA stellar evolution code version
7624 (Paxton et al. 2011, 2013, 2015). We use the default
parameter set for massive star evolution (RF: any spe-
cific test problem?): solar metallicity and no-rotation.
We evolve models starting from the zero-age main sequence
(ZAMS) with masses MZAMS = 13 � 100 M�. For this pa-
rameter choice, stars with MZAMS & 30 M� lose their hy-
drogen and helium envelopes and become WRs by the time
core-collapse begins. MESA stops the evolution when the
maximum core infall velocity reaches 108 cm s�1.
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neutrino emission, the binding of the outer part becomes
weaker. An inner mass shell is more bounded thus releases
a larger energy, which can propagate outward as far as the
infall velocity of the mass shell is subsonic. Given that the
time scale of the gravitational mass loss is much shorter than
the dynamical time scale of the outer part, this eventually
results in forming a shock. In principle, the weak shock can
eject a fraction of the outer envelope even if the SN explosion
fails.

The above mass ejection process was originally pro-
posed by Nadezhin (1980) and recently confirmed for RSG
progenitors by Lovegrove & Woosley (2013). They show that
a few M� of hydrogen envelope can be ejected by the weak
shock and hydrogen recombination in the expanding ejecta
can power a luminous infrared transient. We here consider
a similar mass ejection from collapsing WRs. Instead of a
loosely bounded hydrogen envelope, WRs have a sharp outer
edge, which makes the mass ejection and associated emis-
sions qualitatively di↵erent from RSGs as we show below.

3 COMPUTATIONAL SETUP

In order to compute the mass ejection process, we follow the
evolution of collapsing stars using time-dependent hydrody-
namic simulations, starting from a presupernova stellar pro-
genitor. Following Lovegrove & Woosley (2013), we consider
the portion of the star outside a radius near the edge of the
iron core, and parameterize the loss of gravitational bind-
ing energy to neutrinos. In what follows, we describe our
numerical method, the treatment of neutrino mass-loss, and
the initial stellar models used.

3.1 Numerical Hydrodynamics

We model stellar collapse by solving the time-dependent
hydrodynamic equations in spherical symmetry using
FLASH3.2 (Fryxell et al. 2000; Dubey et al. 2009),
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The public version of the code has been modified to in-
clude a non-uniformly spaced radial grid (Fernández 2012).
The system of equations (1)-(3) is closed with the Helmholtz
equation of state (Timmes & Swesty 2000) and solved with
the split Piecewise Parabolic Method (Colella & Woodward
1984; Fryxell, Müller & Arnett 1989).

The computational domain extends from a minimum
radius Rmin inside the iron core to a maximum radius Rmax

outside the stellar surface. For our fiducial WR progenitor,
these radii are Rmin = 3⇥ 107 cm and Rmax = 2⇥ 1011 cm,
respectively. The grid has logarithmic spacing �r/r ' 0.9%
from the inner boundary at Rmin until a transition radius
Rtr = 1010 cm, outside of which the grid spacing is kept

constant (i.e. �r = 0.009Rtr) in order to have su�cient res-
olution for the cases where mass ejection is small. RF: are
the domain parameters di↵erent for di↵erent pro-
genitors? If yes then they could go in Table 1.

Outflow boundary conditions are taken at both ends of
the computational domain. All primitive variables are copied
from the active cell adjacent to the boundary into the ghost
cells. The radial velocity has an additional r�2 dependence
so that the mass flux is constant in the ghost cells. No mass
is allowed to enter the domain.

The enclosed mass M(r, t) used to compute the gravita-
tional acceleration in equation (2) is the sum of the gravita-
tional mass inside the inner boundary M

G

(t) and the mass
in the computational domain interior to the radius r,

M(r, t) = M

G

(t) + 4⇡

Z
r

Rmin

x

2dx ⇢(x, t). (4)

The mass leaving the inner boundary is added to the bary-
onic mass MB(t) inside Rmin,

ṀB = 4⇡R2
min⇢(Rmin, t)min [v

r

(Rmin, t), 0]. (5)

Equation (5) is integrated using time-centered fluxes during
each time-step. The gravitational mass is connected to the
baryonic mass through neutrino mass loss, which we discuss
in the next subsection.

3.2 Evolution of the Inner Core

We adopt the parameterized neutrino mass loss model of
Lovegrove & Woosley (2013). The gravitational mass of the
hot protoneutron star evolves according to

ṀG = ṀB � ḂEc + Ṁth, (6)

where

BEc ' 0.084
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◆2

M�. (7)

is the gravitational binding energy of the star, and Mth is
its thermal energy. The latter evolves according to

Ṁth = �Mth

⌧

c

+ ✏

dBEc

dM
B

Ṁ

B

. (8)

where ⌧c is the neutrino cooling time and ✏ < 0.5 is a ther-
malization factor. Neutrino cooling stops when the gravita-
tional mass of the star reaches the Tolman-Oppenheimer-
Volko↵ limit, MTOV. Beyond this point, we impose ṀG =
ṀB.

3.3 Initial Condition and Models Evolved

As initial condition we take presupernova stellar models
computed with the MESA stellar evolution code version
7624 (Paxton et al. 2011, 2013, 2015). We use the default
parameter set for massive star evolution (RF: any spe-
cific test problem?): solar metallicity and no-rotation.
We evolve models starting from the zero-age main sequence
(ZAMS) with masses MZAMS = 13 � 100 M�. For this pa-
rameter choice, stars with MZAMS & 30 M� lose their hy-
drogen and helium envelopes and become WRs by the time
core-collapse begins. MESA stops the evolution when the
maximum core infall velocity reaches 108 cm s�1.
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neutrino emission, the binding of the outer part becomes
weaker. An inner mass shell is more bounded thus releases
a larger energy, which can propagate outward as far as the
infall velocity of the mass shell is subsonic. Given that the
time scale of the gravitational mass loss is much shorter than
the dynamical time scale of the outer part, this eventually
results in forming a shock. In principle, the weak shock can
eject a fraction of the outer envelope even if the SN explosion
fails.

The above mass ejection process was originally pro-
posed by Nadezhin (1980) and recently confirmed for RSG
progenitors by Lovegrove & Woosley (2013). They show that
a few M� of hydrogen envelope can be ejected by the weak
shock and hydrogen recombination in the expanding ejecta
can power a luminous infrared transient. We here consider
a similar mass ejection from collapsing WRs. Instead of a
loosely bounded hydrogen envelope, WRs have a sharp outer
edge, which makes the mass ejection and associated emis-
sions qualitatively di↵erent from RSGs as we show below.

3 COMPUTATIONAL SETUP

In order to compute the mass ejection process, we follow the
evolution of collapsing stars using time-dependent hydrody-
namic simulations, starting from a presupernova stellar pro-
genitor. Following Lovegrove & Woosley (2013), we consider
the portion of the star outside a radius near the edge of the
iron core, and parameterize the loss of gravitational bind-
ing energy to neutrinos. In what follows, we describe our
numerical method, the treatment of neutrino mass-loss, and
the initial stellar models used.

3.1 Numerical Hydrodynamics

We model stellar collapse by solving the time-dependent
hydrodynamic equations in spherical symmetry using
FLASH3.2 (Fryxell et al. 2000; Dubey et al. 2009),

@⇢

@t

+
1
r

2

@

@r

�
r

2
⇢v

r

�
= 0, (1)

Dv

r

Dt

+
1
⇢

@p

@r

+
GM(r, t)

r

2
= 0, (2)

Deint

Dt

� p

⇢

2

D⇢

Dt

= 0, (3)

where ⇢, v
r

, eint, p, and M(r, t) are the fluid density, ra-
dial velocity, specific internal energy, pressure, and enclosed
mass at radius r, respectively, and D/Dt ⌘ @/@t+ v

r

@/@r.
The public version of the code has been modified to in-
clude a non-uniformly spaced radial grid (Fernández 2012).
The system of equations (1)-(3) is closed with the Helmholtz
equation of state (Timmes & Swesty 2000) and solved with
the split Piecewise Parabolic Method (Colella & Woodward
1984; Fryxell, Müller & Arnett 1989).

The computational domain extends from a minimum
radius Rmin inside the iron core to a maximum radius Rmax

outside the stellar surface. For our fiducial WR progenitor,
these radii are Rmin = 3⇥ 107 cm and Rmax = 2⇥ 1011 cm,
respectively. The grid has logarithmic spacing �r/r ' 0.9%
from the inner boundary at Rmin until a transition radius
Rtr = 1010 cm, outside of which the grid spacing is kept

constant (i.e. �r = 0.009Rtr) in order to have su�cient res-
olution for the cases where mass ejection is small. RF: are
the domain parameters di↵erent for di↵erent pro-
genitors? If yes then they could go in Table 1.

Outflow boundary conditions are taken at both ends of
the computational domain. All primitive variables are copied
from the active cell adjacent to the boundary into the ghost
cells. The radial velocity has an additional r�2 dependence
so that the mass flux is constant in the ghost cells. No mass
is allowed to enter the domain.

The enclosed mass M(r, t) used to compute the gravita-
tional acceleration in equation (2) is the sum of the gravita-
tional mass inside the inner boundary M

G

(t) and the mass
in the computational domain interior to the radius r,

M(r, t) = M

G

(t) + 4⇡
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2dx ⇢(x, t). (4)

The mass leaving the inner boundary is added to the bary-
onic mass MB(t) inside Rmin,

ṀB = 4⇡R2
min⇢(Rmin, t)min [v

r

(Rmin, t), 0]. (5)

Equation (5) is integrated using time-centered fluxes during
each time-step. The gravitational mass is connected to the
baryonic mass through neutrino mass loss, which we discuss
in the next subsection.

3.2 Evolution of the Inner Core

We adopt the parameterized neutrino mass loss model of
Lovegrove & Woosley (2013). The gravitational mass of the
hot protoneutron star evolves according to

ṀG = ṀB � ḂEc + Ṁth, (6)

where

BEc ' 0.084

✓
MG

M�

◆2

M�. (7)

is the gravitational binding energy of the star, and Mth is
its thermal energy. The latter evolves according to

Ṁth = �Mth

⌧
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+ ✏

dBEc

dM
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. (8)

where ⌧c is the neutrino cooling time and ✏ < 0.5 is a ther-
malization factor. Neutrino cooling stops when the gravita-
tional mass of the star reaches the Tolman-Oppenheimer-
Volko↵ limit, MTOV. Beyond this point, we impose ṀG =
ṀB.

3.3 Initial Condition and Models Evolved

As initial condition we take presupernova stellar models
computed with the MESA stellar evolution code version
7624 (Paxton et al. 2011, 2013, 2015). We use the default
parameter set for massive star evolution (RF: any spe-
cific test problem?): solar metallicity and no-rotation.
We evolve models starting from the zero-age main sequence
(ZAMS) with masses MZAMS = 13 � 100 M�. For this pa-
rameter choice, stars with MZAMS & 30 M� lose their hy-
drogen and helium envelopes and become WRs by the time
core-collapse begins. MESA stops the evolution when the
maximum core infall velocity reaches 108 cm s�1.
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neutrino emission, the binding of the outer part becomes
weaker. An inner mass shell is more bounded thus releases
a larger energy, which can propagate outward as far as the
infall velocity of the mass shell is subsonic. Given that the
time scale of the gravitational mass loss is much shorter than
the dynamical time scale of the outer part, this eventually
results in forming a shock. In principle, the weak shock can
eject a fraction of the outer envelope even if the SN explosion
fails.

The above mass ejection process was originally pro-
posed by Nadezhin (1980) and recently confirmed for RSG
progenitors by Lovegrove & Woosley (2013). They show that
a few M� of hydrogen envelope can be ejected by the weak
shock and hydrogen recombination in the expanding ejecta
can power a luminous infrared transient. We here consider
a similar mass ejection from collapsing WRs. Instead of a
loosely bounded hydrogen envelope, WRs have a sharp outer
edge, which makes the mass ejection and associated emis-
sions qualitatively di↵erent from RSGs as we show below.

3 COMPUTATIONAL SETUP

In order to compute the mass ejection process, we follow the
evolution of collapsing stars using time-dependent hydrody-
namic simulations, starting from a presupernova stellar pro-
genitor. Following Lovegrove & Woosley (2013), we consider
the portion of the star outside a radius near the edge of the
iron core, and parameterize the loss of gravitational bind-
ing energy to neutrinos. In what follows, we describe our
numerical method, the treatment of neutrino mass-loss, and
the initial stellar models used.

3.1 Numerical Hydrodynamics

We model stellar collapse by solving the time-dependent
hydrodynamic equations in spherical symmetry using
FLASH3.2 (Fryxell et al. 2000; Dubey et al. 2009),
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The public version of the code has been modified to in-
clude a non-uniformly spaced radial grid (Fernández 2012).
The system of equations (1)-(3) is closed with the Helmholtz
equation of state (Timmes & Swesty 2000) and solved with
the split Piecewise Parabolic Method (Colella & Woodward
1984; Fryxell, Müller & Arnett 1989).

The computational domain extends from a minimum
radius Rmin inside the iron core to a maximum radius Rmax

outside the stellar surface. For our fiducial WR progenitor,
these radii are Rmin = 3⇥ 107 cm and Rmax = 2⇥ 1011 cm,
respectively. The grid has logarithmic spacing �r/r ' 0.9%
from the inner boundary at Rmin until a transition radius
Rtr = 1010 cm, outside of which the grid spacing is kept

constant (i.e. �r = 0.009Rtr) in order to have su�cient res-
olution for the cases where mass ejection is small. RF: are
the domain parameters di↵erent for di↵erent pro-
genitors? If yes then they could go in Table 1.

Outflow boundary conditions are taken at both ends of
the computational domain. All primitive variables are copied
from the active cell adjacent to the boundary into the ghost
cells. The radial velocity has an additional r�2 dependence
so that the mass flux is constant in the ghost cells. No mass
is allowed to enter the domain.

The enclosed mass M(r, t) used to compute the gravita-
tional acceleration in equation (2) is the sum of the gravita-
tional mass inside the inner boundary M

G

(t) and the mass
in the computational domain interior to the radius r,

M(r, t) = M

G

(t) + 4⇡

Z
r

Rmin

x

2dx ⇢(x, t). (4)

The mass leaving the inner boundary is added to the bary-
onic mass MB(t) inside Rmin,

ṀB = 4⇡R2
min⇢(Rmin, t)min [v

r

(Rmin, t), 0]. (5)

Equation (5) is integrated using time-centered fluxes during
each time-step. The gravitational mass is connected to the
baryonic mass through neutrino mass loss, which we discuss
in the next subsection.

3.2 Evolution of the Inner Core

We adopt the parameterized neutrino mass loss model of
Lovegrove & Woosley (2013). The gravitational mass of the
hot protoneutron star evolves according to

ṀG = ṀB � ḂEc + Ṁth, (6)

where

BEc ' 0.084
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is the gravitational binding energy of the star, and Mth is
its thermal energy. The latter evolves according to

Ṁth = �Mth

⌧
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+ ✏
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where ⌧c is the neutrino cooling time and ✏ < 0.5 is a ther-
malization factor. Neutrino cooling stops when the gravita-
tional mass of the star reaches the Tolman-Oppenheimer-
Volko↵ limit, MTOV. Beyond this point, we impose ṀG =
ṀB.

3.3 Initial Condition and Models Evolved

As initial condition we take presupernova stellar models
computed with the MESA stellar evolution code version
7624 (Paxton et al. 2011, 2013, 2015). We use the default
parameter set for massive star evolution (RF: any spe-
cific test problem?): solar metallicity and no-rotation.
We evolve models starting from the zero-age main sequence
(ZAMS) with masses MZAMS = 13 � 100 M�. For this pa-
rameter choice, stars with MZAMS & 30 M� lose their hy-
drogen and helium envelopes and become WRs by the time
core-collapse begins. MESA stops the evolution when the
maximum core infall velocity reaches 108 cm s�1.
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Figure 1. Density structure of pre-collapse massive stars with

Z = Z� (top) and Z = 0.01 Z� (middle) and their compactness

parameter (bottom).

While the explosion mechanism of core-collapse super-
nova is not fully understood, the compactness of the in-
ner core has been shown to correlate well with the onset
of BH formation (O’Connor & Ott 2011; Ugliano et al.
2012; Sukhbold &Woosley 2014; Horiuchi et al. 2014; Pejcha
& Thompson 2015). Following convention, we compute the
compactness parameter of a given presupernova progenitor
as

⇠2.5 =
M/M�

R(MB = M)/1000 km
, (9)

where M = 2.5M� and R is the radius that encloses a bary-
onic mass MB = M = 2.5M�. Numerical simulations indi-

cate that the critical value for BH formation lies in the range
⇠2.5 ' 0.2� 0.4, with more compact stars forming BHs. We
therefor consider only stellar models with ⇠2.5 > 0.4 in our
calculations.

For a given progenitor, the MESA stellar model is
mapped into FLASH using interpolation at cell centers. To
minimize transients, we map pressure, density, and chemical
abundances, and recover the remaining thermodynamic vari-
ables self-consistently using the Helmholtz EOS in FLASH.
The radial velocity is mapped independently, and the en-
closed mass in the computational domain is computed self-
consistently from the density field.

The initial condition for equations (6) and (8) is MG =
MB and Mth = BEc, with MB set equal to the mass enclosed
by Rmin in the progenitor star. In all of our models, we take
✏ = 0.1, ⌧

c

= 3.0 s, and MTOV = 2.5 M�.
The region outside the star is filled with a constant

density ambient medium in hydrostatic equilibrium, with
a density ⇢amb = 10�10 g cm�3. The Helmholtz EOS is
extended below its lower density limit when necessary, by
assuming ideal gas electrons, with a floor of temperature
Tfl = 104 K.

RF: is there is a sequence of models to be
evolved? If yes then this is the place to say it, refer-
ring to Table 1.

4 RESUTLS

Fig. 2 shows the evolution of a collapsing WR, the s60tov2.5
model. The top panel shows the radial velocity. Once the
collapse starts, a rarefaction wave is formed and propagates
outward. One can see a hump with a positive radial velocity
at the edge of the rarefaction wave, which rises up to become
a strong shock at t ⇠ 50 s. We have confirmed that such a
shock is not observed if we turn o↵ the neutrino emission
in Eq. (8), thus is driven by the gravitational mass loss.
The shock breaks out the progenitor at t ⇠ 100 s, where a
minor fraction of ejecta is accelerated up to a high velocity.
Afterward, the ejecta expands in a homologous manner and
adiabatically cools. The total kinetic energy and mass of the
ejecta are Ekin = 1.8⇥ 1048 erg and Mej = 7.8⇥ 10�3 M�.

Table 1 shows a summary of our results.
Fig. 4 shows the cumulative kinetic-energy distribution

of the mass ejection. We only show unbounded mass shells
with a larger velocity than the escape velocity of the pro-
genitor. Our results are reasonably consistent with an ana-
lytic scaling of non-relativistic shock breakout from a radia-
tive envelope (Tan, Matzner & McKee 2001) shown by the
dotted-dash line.

4.1 Other progenitor types

To confirm the reliability of our results, we calculate mass
ejection from a red supergiant model and find it broadly
consistent with Lovegrove & Woosley (2013). We also cal-
culate using a blue supergiant model. In this case, there is
practically no mass ejection. This is mainly due to the fact
that blue supergiants have a compact and massive inner core
and the shock stalls before reaching the stellar surface.
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Figure 1. Density structure of pre-collapse massive stars with

Z = Z� (top) and Z = 0.01 Z� (middle) and their compactness

parameter (bottom).

While the explosion mechanism of core-collapse super-
nova is not fully understood, the compactness of the in-
ner core has been shown to correlate well with the onset
of BH formation (O’Connor & Ott 2011; Ugliano et al.
2012; Sukhbold &Woosley 2014; Horiuchi et al. 2014; Pejcha
& Thompson 2015). Following convention, we compute the
compactness parameter of a given presupernova progenitor
as

⇠2.5 =
M/M�

R(MB = M)/1000 km
, (9)

where M = 2.5M� and R is the radius that encloses a bary-
onic mass MB = M = 2.5M�. Numerical simulations indi-

cate that the critical value for BH formation lies in the range
⇠2.5 ' 0.2� 0.4, with more compact stars forming BHs. We
therefor consider only stellar models with ⇠2.5 > 0.4 in our
calculations.

For a given progenitor, the MESA stellar model is
mapped into FLASH using interpolation at cell centers. To
minimize transients, we map pressure, density, and chemical
abundances, and recover the remaining thermodynamic vari-
ables self-consistently using the Helmholtz EOS in FLASH.
The radial velocity is mapped independently, and the en-
closed mass in the computational domain is computed self-
consistently from the density field.

The initial condition for equations (6) and (8) is MG =
MB and Mth = BEc, with MB set equal to the mass enclosed
by Rmin in the progenitor star. In all of our models, we take
✏ = 0.1, ⌧

c

= 3.0 s, and MTOV = 2.5 M�.
The region outside the star is filled with a constant

density ambient medium in hydrostatic equilibrium, with
a density ⇢amb = 10�10 g cm�3. The Helmholtz EOS is
extended below its lower density limit when necessary, by
assuming ideal gas electrons, with a floor of temperature
Tfl = 104 K.

RF: is there is a sequence of models to be
evolved? If yes then this is the place to say it, refer-
ring to Table 1.

4 RESUTLS

Fig. 2 shows the evolution of a collapsing WR, the s60tov2.5
model. The top panel shows the radial velocity. Once the
collapse starts, a rarefaction wave is formed and propagates
outward. One can see a hump with a positive radial velocity
at the edge of the rarefaction wave, which rises up to become
a strong shock at t ⇠ 50 s. We have confirmed that such a
shock is not observed if we turn o↵ the neutrino emission
in Eq. (8), thus is driven by the gravitational mass loss.
The shock breaks out the progenitor at t ⇠ 100 s, where a
minor fraction of ejecta is accelerated up to a high velocity.
Afterward, the ejecta expands in a homologous manner and
adiabatically cools. The total kinetic energy and mass of the
ejecta are Ekin = 1.8⇥ 1048 erg and Mej = 7.8⇥ 10�3 M�.

Table 1 shows a summary of our results.
Fig. 4 shows the cumulative kinetic-energy distribution

of the mass ejection. We only show unbounded mass shells
with a larger velocity than the escape velocity of the pro-
genitor. Our results are reasonably consistent with an ana-
lytic scaling of non-relativistic shock breakout from a radia-
tive envelope (Tan, Matzner & McKee 2001) shown by the
dotted-dash line.

4.1 Other progenitor types

To confirm the reliability of our results, we calculate mass
ejection from a red supergiant model and find it broadly
consistent with Lovegrove & Woosley (2013). We also cal-
culate using a blue supergiant model. In this case, there is
practically no mass ejection. This is mainly due to the fact
that blue supergiants have a compact and massive inner core
and the shock stalls before reaching the stellar surface.
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Z = Z� (top) and Z = 0.01 Z� (middle) and their compactness

parameter (bottom).

While the explosion mechanism of core-collapse super-
nova is not fully understood, the compactness of the in-
ner core has been shown to correlate well with the onset
of BH formation (O’Connor & Ott 2011; Ugliano et al.
2012; Sukhbold &Woosley 2014; Horiuchi et al. 2014; Pejcha
& Thompson 2015). Following convention, we compute the
compactness parameter of a given presupernova progenitor
as

⇠2.5 =
M/M�

R(MB = M)/1000 km
, (9)

where M = 2.5M� and R is the radius that encloses a bary-
onic mass MB = M = 2.5M�. Numerical simulations indi-

cate that the critical value for BH formation lies in the range
⇠2.5 ' 0.2� 0.4, with more compact stars forming BHs. We
therefor consider only stellar models with ⇠2.5 > 0.4 in our
calculations.

For a given progenitor, the MESA stellar model is
mapped into FLASH using interpolation at cell centers. To
minimize transients, we map pressure, density, and chemical
abundances, and recover the remaining thermodynamic vari-
ables self-consistently using the Helmholtz EOS in FLASH.
The radial velocity is mapped independently, and the en-
closed mass in the computational domain is computed self-
consistently from the density field.

The initial condition for equations (6) and (8) is MG =
MB and Mth = BEc, with MB set equal to the mass enclosed
by Rmin in the progenitor star. In all of our models, we take
✏ = 0.1, ⌧

c

= 3.0 s, and MTOV = 2.5 M�.
The region outside the star is filled with a constant

density ambient medium in hydrostatic equilibrium, with
a density ⇢amb = 10�10 g cm�3. The Helmholtz EOS is
extended below its lower density limit when necessary, by
assuming ideal gas electrons, with a floor of temperature
Tfl = 104 K.

RF: is there is a sequence of models to be
evolved? If yes then this is the place to say it, refer-
ring to Table 1.

4 RESUTLS

Fig. 2 shows the evolution of a collapsing WR, the s60tov2.5
model. The top panel shows the radial velocity. Once the
collapse starts, a rarefaction wave is formed and propagates
outward. One can see a hump with a positive radial velocity
at the edge of the rarefaction wave, which rises up to become
a strong shock at t ⇠ 50 s. We have confirmed that such a
shock is not observed if we turn o↵ the neutrino emission
in Eq. (8), thus is driven by the gravitational mass loss.
The shock breaks out the progenitor at t ⇠ 100 s, where a
minor fraction of ejecta is accelerated up to a high velocity.
Afterward, the ejecta expands in a homologous manner and
adiabatically cools. The total kinetic energy and mass of the
ejecta are Ekin = 1.8⇥ 1048 erg and Mej = 7.8⇥ 10�3 M�.

Table 1 shows a summary of our results.
Fig. 4 shows the cumulative kinetic-energy distribution

of the mass ejection. We only show unbounded mass shells
with a larger velocity than the escape velocity of the pro-
genitor. Our results are reasonably consistent with an ana-
lytic scaling of non-relativistic shock breakout from a radia-
tive envelope (Tan, Matzner & McKee 2001) shown by the
dotted-dash line.

4.1 Other progenitor types

To confirm the reliability of our results, we calculate mass
ejection from a red supergiant model and find it broadly
consistent with Lovegrove & Woosley (2013). We also cal-
culate using a blue supergiant model. In this case, there is
practically no mass ejection. This is mainly due to the fact
that blue supergiants have a compact and massive inner core
and the shock stalls before reaching the stellar surface.

c� 2016 RAS, MNRAS 000, 1–??

DC?

SN?

RSG

RSG BSG

WR


